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Solar	magnetic activity



Magnetic activity and	astrometry

• The	brightness inhomogeneities produced by	surface magnetic fields affect
the	position	of	the	photocentre of	the	stellar	disc;

• The	changing pattern	of	active regions and	stellar	rotationmodulate		the	
coordinate	of	the	photocentre on	the	plane of	the	sky;	

• In	addition to	the	position	of	the	photocentre,	the	optical flux and	the	radial
velocity of	the	star	are	affected by	magnetic activity.	



Photometric and	astrometric jitter
due	to	solar	activity
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Figure 1. Daily variations of the TSI and the photocenter position in the equatorial (∆x) and axial (∆y) dimensions derived from the reconstructed TSI maps.

brought to zero mean and converted to µAU. Since the TSI
images are based on the observed distributions of magnetic
strength and the ratio of two monochromatic intensities, they
are almost devoid of limb darkening effects. Therefore, we do
not apply any limb darkening corrections as the counter-acting
effects of the broadband intensity reduction toward the limb
and the increasing contrast of faculae with respect to the local
photosphere (Foukal et al. 2004) have been balanced in the
images by construction.

3. ASTROMETRIC JITTER FROM MAGNETIC ACTIVITY

The main results of this study are shown in Figure 1. The top
panel displaying the integrated TSI is shown only for reference
because the TSI images were constructed to match the space-
based TSI measurements as close as possible; thus, the plot does
not contain any new information. The middle and bottom panels
show the daily photocenter offsets of the solar disk over some
11 yr in the equatorial and axial dimensions, respectively. The
TSI has been for some time known to vary systematically with
the solar cycle (Willson et al. 1981), but the exact contribution
of the opposing effects (faculae and spots) to this process is still
somewhat controversial. The Sun is brighter when its level of
magnetic activity is elevated, while younger and more active
stars tend to display the opposite correlation (Radick et al.
1998). The peak-to-peak variation of TSI is approximately
2 W m−2, or 0.15%. The maximum activity in 2000–2002 is
marked with a brighter average and a much larger dispersion of
TSI. A running average standard deviation over three months
varies between 0.14 µAU and 0.91 µAU in ∆x. The overall
standard deviations are 0.52 µAU for ∆x and 0.39 µAU for ∆y.
Predictably, the dispersion of ∆y is smaller because major spots
occur in the equatorial zone of the disk.

The distinct variation in ∆y with a period of one year is
probably an artifact related to the seasonal change of the solar

obliquity. In September, the solar axis is tilted by 7.◦25, with its
north pole toward the Earth. Since the distribution of magnetic
features is symmetric about the solar equator, more spots and
faculae appear in the southern part of the disk than in the
northern part, as seen by a ground-based observer. This 1 yr
modulation of the ∆y offset is germane to the Sun and will not
be observed on other stars. A periodogram analysis determined
that the best-fitting sinusoid has a period of 1 yr and an amplitude
of 0.11 µAU.

The running average of the ∆x perturbations is not correlated
with the solar cycle because the probability of magnetic features
being located in the eastern or western hemispheres is the same.
The scatter of daily variation is, however, strongly correlated
with the level of magnetic activity. The distribution of TSI
perturbations around the running mean is asymmetric, with a
longer tail extending toward fainter intensities. These short-lived
dips in TSI are caused by particularly large sunspot groups and
normally happen at times of elevated activity. The distribution
of astrometric perturbations around the running mean is fairly
symmetric, as expected. The largest astrometric perturbation
∆x took place on 2000 September 19, when a distant observer
would have detected a westward photocenter shift of 2.6 µAU.
Figure 2 depicts the distribution of surface brightness of the Sun
on that date. The color scale is arbitrary, adjusted in such a way
that the dark spots (black and blue) and the faculae (yellow) can
be clearly seen. This unusually large perturbation was caused
by two sunspot groups, which happened to be in the eastern
hemisphere, and a bright active region in the opposite western
hemisphere.

The temporal variations of solar surface brightness are com-
monly considered to be caused by small- and medium-scale
magnetic features, such as photospheric spots and plages. Is it
possible that some other, non-magnetic structures are present in
the surface brightness distribution, which would not be captured
by the Mount Wilson magnetograms that served as the original

Makarov et	al.	(2010)
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Figure 2. Solar surface irradiance distribution on 2000 September 19, color-
coded to emphasize the dark spots and the bright plage areas. North is up and
east is left. An exceptionally large deviation of −2.6 µAU along the equator
would be observed astrometrically.

data for the TSI reconstruction? Ulrich et al. (2010) found that
the reconstructed irradiance followed the actual TSI variations,
observed with Virgo, to a correlation coefficient of 0.9625. This
corresponds to a standard deviation of 28% relative to the vari-
ation of TSI, if the error introduced by the proxy reconstruction
is uncorrelated with the true light curve. Although it is not pos-
sible to tell how this error is distributed across the solar disk, we
contend that the true astrometric jitter cannot be larger than our
estimates by more than this amount, which is 4% when added
in quadrature. The error is carried by many classes of different
spatial scale, but only large-scale perturbations count in the in-
tegration in first moment. Most of this error is probably confined
to small-scale structures, which should cancel out in the integra-
tion. Known imperfections, such as the ringing features centered
on the centers of activity, caused by too many plage classes, do
not result in an appreciable image shift. Besides, some of the
TSI variation not accounted for by the reconstruction is due to
magnetic features appearing in the outer rim of the solar disk
(5% of the radius), which is missing in our data.

4. IMPLICATIONS FOR EARTH-LIKE PLANET
DETECTION

Planets revolving around their host stars produce sinusoidal
variations in the astrometric position. The main harmonic of
these variations has the orbital period of the planet, and an am-
plitude defined by the mass of the star, the mass of the planet,
and the orbital semimajor axis. Planets in eccentric orbits also
produce higher-order harmonics (overtones) of smaller ampli-
tudes. The spectroscopic method of exoplanet detection, based
on precision measurements of stellar radial velocity, utilizes
the Lomb–Scargle periodogram analysis (e.g., Fischer et al.
2008), which is aimed at detecting statistically significant sinu-
soidal variations in irregularly sampled data with a zero mean
(Scargle 1982). A similar “joint” power-spectrum periodogram
was suggested for two-dimensional astrometric detection by
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Figure 3. Amplitude spectrum of solar astrometric jitter in the equatorial
dimension for the range of periods corresponding to the habitable zone.

Catanzarite et al. (2008). In order to evaluate the impact of mag-
netic jitter on detection of low-mass planets, we employ in this
paper a generalized amplitude spectrum analysis, which, unlike
the Lomb–Scargle periodogram, includes the constant term in
the set of fitting functions. A constant offset in position is a phys-
ical astrometric parameter, which cannot be simply subtracted
from the raw data.

The linear problem

[1 , cos(ωt), sin(ωt)] s = ∆x (2)

is solved for a grid of frequencies ω = 2π/p, where t is the
column vector of observation times, and ∆x is the column vector
of x-coordinate offsets. If s̃ is the least-squares solution (a 3-
vector), the generalized amplitude spectrum as a function of
period is

D(p) =
√

s̃2
2 + s̃2

3 . (3)

The interpretation of this function is straightforward: it is the
amplitude of the best-fitting sinusoid with the given period pand
a free phase. A planet with an orbital period pcan be confidently
detected if the amplitude of its main harmonic is much larger
than D(p). It corresponds to the square root of the “periodogram
power” of the Lomb–Scargle periodogram commonly used in
exoplanet detection.

Figure 3 shows the D(p) spectrum of the ∆x series derived
from the TSI maps. The calculation was restricted to the
range of habitable zones around the Sun, which corresponds
to, somewhat generously, 0.6–1.4 yr in an orbital period. The
spectrum is distributed non-uniformly, so that white noise would
not be a good model for this kind of perturbation. The largest
sinusoidal variation has a period of ≃1.1 yr and an amplitude
of 0.033 µAU. The Earth generates an astrometric wobble of
the Sun of 3 µAU, whose power is almost entirely in the main
harmonic (one year) due to the very low eccentricity. Thus, the
Earth can be detected by astrometric means at a very comfortable
S/N of greater than 90, as far as magnetic jitter is concerned,
if a similar observational cadence is achieved. For a solar-like
star at 10 pc, the amplitude spectrum of magnetic jitter is not
greater than 0.0033 µas, which is vanishingly small compared
to the expected single measurement precision of SIM (!1 µas)
or GAIA (!8 µas).
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data for the TSI reconstruction? Ulrich et al. (2010) found that
the reconstructed irradiance followed the actual TSI variations,
observed with Virgo, to a correlation coefficient of 0.9625. This
corresponds to a standard deviation of 28% relative to the vari-
ation of TSI, if the error introduced by the proxy reconstruction
is uncorrelated with the true light curve. Although it is not pos-
sible to tell how this error is distributed across the solar disk, we
contend that the true astrometric jitter cannot be larger than our
estimates by more than this amount, which is 4% when added
in quadrature. The error is carried by many classes of different
spatial scale, but only large-scale perturbations count in the in-
tegration in first moment. Most of this error is probably confined
to small-scale structures, which should cancel out in the integra-
tion. Known imperfections, such as the ringing features centered
on the centers of activity, caused by too many plage classes, do
not result in an appreciable image shift. Besides, some of the
TSI variation not accounted for by the reconstruction is due to
magnetic features appearing in the outer rim of the solar disk
(5% of the radius), which is missing in our data.

4. IMPLICATIONS FOR EARTH-LIKE PLANET
DETECTION

Planets revolving around their host stars produce sinusoidal
variations in the astrometric position. The main harmonic of
these variations has the orbital period of the planet, and an am-
plitude defined by the mass of the star, the mass of the planet,
and the orbital semimajor axis. Planets in eccentric orbits also
produce higher-order harmonics (overtones) of smaller ampli-
tudes. The spectroscopic method of exoplanet detection, based
on precision measurements of stellar radial velocity, utilizes
the Lomb–Scargle periodogram analysis (e.g., Fischer et al.
2008), which is aimed at detecting statistically significant sinu-
soidal variations in irregularly sampled data with a zero mean
(Scargle 1982). A similar “joint” power-spectrum periodogram
was suggested for two-dimensional astrometric detection by
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dimension for the range of periods corresponding to the habitable zone.

Catanzarite et al. (2008). In order to evaluate the impact of mag-
netic jitter on detection of low-mass planets, we employ in this
paper a generalized amplitude spectrum analysis, which, unlike
the Lomb–Scargle periodogram, includes the constant term in
the set of fitting functions. A constant offset in position is a phys-
ical astrometric parameter, which cannot be simply subtracted
from the raw data.

The linear problem

[1 , cos(ωt), sin(ωt)] s = ∆x (2)

is solved for a grid of frequencies ω = 2π/p, where t is the
column vector of observation times, and ∆x is the column vector
of x-coordinate offsets. If s̃ is the least-squares solution (a 3-
vector), the generalized amplitude spectrum as a function of
period is

D(p) =
√

s̃2
2 + s̃2

3 . (3)

The interpretation of this function is straightforward: it is the
amplitude of the best-fitting sinusoid with the given period pand
a free phase. A planet with an orbital period pcan be confidently
detected if the amplitude of its main harmonic is much larger
than D(p). It corresponds to the square root of the “periodogram
power” of the Lomb–Scargle periodogram commonly used in
exoplanet detection.

Figure 3 shows the D(p) spectrum of the ∆x series derived
from the TSI maps. The calculation was restricted to the
range of habitable zones around the Sun, which corresponds
to, somewhat generously, 0.6–1.4 yr in an orbital period. The
spectrum is distributed non-uniformly, so that white noise would
not be a good model for this kind of perturbation. The largest
sinusoidal variation has a period of ≃1.1 yr and an amplitude
of 0.033 µAU. The Earth generates an astrometric wobble of
the Sun of 3 µAU, whose power is almost entirely in the main
harmonic (one year) due to the very low eccentricity. Thus, the
Earth can be detected by astrometric means at a very comfortable
S/N of greater than 90, as far as magnetic jitter is concerned,
if a similar observational cadence is achieved. For a solar-like
star at 10 pc, the amplitude spectrum of magnetic jitter is not
greater than 0.0033 µas, which is vanishingly small compared
to the expected single measurement precision of SIM (!1 µas)
or GAIA (!8 µas).

Most of	the	power of	the	solar	astrometric jitter is concentrated between 1.0	and	1.2	years,	
thus close to	the	period of	the	wobble of	the	Sun produced by	the	Earth.	

Makarov et	al.	(2010)



Searching for	the	astrometric signal of	an	
Earth-like planet around α	Cen A	or	B

• The modulation of the photocentre of the Sun produced by the Earth has a semi-
amplitude of 3.0 𝜇AU with most of the power at the frequency of 1 yr-1 because of the
small orbital eccentricity e = 0.01671;

• The activity-induced astrometric jitter has a standard deviation of ∼ 0.65 𝜇AU representing
a significant source of noise in the determination of the Sun’s astrometric orbit;

• The solar activity index log R’HK, based on the chromospheric lines Ca II H&K, ranges
between -5.0 and -4.75 (Dumusque et al. 2011), while it is -5.0 and -4.92 for 𝛼 Cen A and
B, respectively (from the stellar parameter compilation in Zhao et al. 2018);

• Therefore, we may expect an astrometric jitter at the level of the minimum of the solar 11-
yr cycle for those two stars, that is at the level of ∼ 0.17 𝜇AU.



Can	we correct for	the	activity-induced jitter ?

• Even if the expected jitter is at the level of the goal astrometric accuracy of TOLIMAN,
it is not a white Gaussian noise, but it is correlated in time with most of the power at
the period of an Earth-like planet;

• More active targets may show a greater jitter that needs to be corrected as much as
possible;

• In principle, a correction could be based on a map of the surface brightness
inhomogeneities.



Mapping brightness inhomogeneities

• Doppler Imaging (e.g., Strassmeier & Rice 1998), based on high-resolution
spectroscopy, is the most powerful technique to map solar-like stars;

• It requires a sufficiently high projected stellar rotation, that is, vsini ≥ f ∆𝜆, where ∆𝜆 is
the local intrinsic line width resulting from thermal Doppler broadening, micro- and
macro-turbulence, while f is a numerical factor;

• To derive a useful map, f ≳ 3-5, otherwise the stellar disc is not adequately resolved;

• In 𝛼 Cen A and B, vsini = 2.5, and 1.9 ± 0.5 km/s (Zhao et al 2018), respectively,
comparable with ∆𝜆; therefore, Doppler Imaging is not useful for these targets;

• Therefore, we must consider other proxies such as photometry or radial velocity (RV).

(animated image	by	S.	Berdyugina)



Astrometry vs.	photometry
1174 J.-F. Donati et al.

Figure 19. Same as in Fig. 13 for HR 1099 at epoch 1998.03.

with time (equal to 0.0083 cycle yr−1 in average between epoch
1995.94 and 2001.99) departs slightly (but significantly) from the
average value depending on the epoch, but does not follow the evo-
lution predicted by Donati (1999) from a sinusoidal extrapolation

of the existing data; in particular, this speed did not switch sign at
epoch 1999.3 (as the 18 yr sinusoidal variation proposed by Donati
(1999) suggested), and shows no obvious intention to do so in the
near future. It implies at least that the way φ0 varies with time, if

C⃝ 2003 RAS, MNRAS 345, 1145–1186

D
ow

nloaded from
 https://academ

ic.oup.com
/m

nras/article-abstract/345/4/1145/1070464 by IN
A

F
 C

atania (O
sservatorio A

stronom
ico di C

atania) user on 12 N
ovem

ber 2018

• For example, consider a star viewed pole-on (i=0o);
photometric measurements will show a constant flux;

• On the other hand, high-latitude spots, as in this image
of HR 1099, produce a modulation of the position of
the photocentre as the star rotates;

• Even if i ≠ 0o, photometry does not provide information
on spot latitude making it impossible to reconstruct the
photocentre position.



Stellar	activity and	RV	variations

The flux effect: apparent radial velocity (RV) variations
produced by distortions of spectral line profiles due to
brightness inhomogeneities on a rotating star.

(animated image	by	S.	Berdyugina)



Stellar	activity and	RV	variations

22 2 Stellar Activity as a Source of Radial-Velocity Variability

Fig. 2.6 Schematic
representation of convection
cells on the stellar surface

tionship is not yet understood (Hall 2008; Schrijver 2002). Athay (1974)3 provides
further in-depth discussions on the nature of plage regions and possible relations
between photospheric and chromospheric active regions (see Bumba and Ambroz
1974 in particular).

Emission lines such as Ca iiH&K,Hα and the Ca ii triplet lines form at the level of
the chromosphere, and are good indicators of plage regions (Mallik 1996; Cincunegui
et al. 2007). Activity indicators based on the Ca ii H&K lines are discussed further
in Sect. 2.2.1.1.

The photometric effect of faculae is negligible as they are not significantly brighter
than the quiet photosphere and they are evenly spread on the stellar disc; they do,
however, induce a strong signature in spectroscopic observations. The strong mag-
netic fields present in faculae and spots act to inhibit the convection process taking
place at the stellar surface. Let us think back on granulation, and take a closer look
at its spatial structure. Granules can be approximated as bright hexagonal cells; they
are surrounded by dark intergranular lanes, as illustrated in Fig. 2.6. The material in
the intergranular lanes is cooler and therefore more compact than the hot fluid of the
granules, which means that over the whole stellar disc, we see a larger proportion
of hot, uprising fluid over cool, sinking material (Gray 1989). This results in a net
blueshift, with a magnitude of about 200m · s−1 on the Sun (see Meunier et al.
2010 and references therein). The presence of networks of faculae suppresses part
of this blueshift.4 As they evolve, active regions can lead to RV variations of up to
8–10m · s−1 for the Sun (Meunier et al. 2010), as well as the active Sun-like star
CoRoT-7 (Haywood et al. 2014, see Chap. 4). Suppression of convective blueshift is
thought to play a dominant role in activity-induced RV variations on Sun-like stars,
particularly in the case of faculae/plage, which are thought to cover a much larger
fraction of the stellar surface than spots.

2.1.5.3 Other Possible Sources of Surface Velocity Fields

As I have shown in this chapter so far, the stellar photosphere and chromosphere are
bustling with all kinds of constantly evolving and moving features such as granula-

3Chromospheric fine structure: proceedings from IAU Symposium no. 56 held at Surfer’s Paradise,
Qld., Australia, 3–7 September 1973.
4Starspots also act to suppress convection, but they contribute little flux and therefore do not play
a significant role in this process (see Dumusque et al. 2014 and references therein).
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Fig. 2.3 Granulation on the solar surface, observed at high resolution with the Swedish 1-m tele-
scope, at La Palma. A sunspot is visible in the top-right corner—its dark centre, known as the
umbra, is surrounded by a lighter region known as the penumbra. Convection cells are visible on
the photosphere surrounding the spot. Image credit: Vasco Henriques, http://www.isf.astro.su.se/
gallery/images/2010/ (link valid as of March 2015)

The vertical motions of convection produce RV variations of the order of around
2km · s−1. Since there are about 1 million granules on the visible hemisphere of the
Sun at any time, the globalRVvariations can be thought of as arising fromfluctuations
in the number of granules present. The fluctuations obey Poisson statistics, so they
are on the order of the square root of the number of granules, reducing the observed
RV flicker on the granulation timescale from 2km · s−1 down to 2 m · s−1 (Lindegren
and Dravins 2003). The first evidence of the such RV variations were observed by
Labonte et al. (1981) and Kuhn (1983) on the Sun. Several years later, Kjeldsen et al.
(1999) reported on the first clear evidence of periodic fluctuations due to granulation
in a star other than the Sun, α Cen A.

We can go back to the RV observations of µ Arae, shown in Fig. 2.1 to identify
its granulation signature. In panels (a) and (b), we can see variations over a longer
timescale than that of the p-mode oscillations. An inspection of the periodogram in
Fig. 2.2 reveals peaks close 1 and 2h,which can be attributed to granulation (although
in this particular case, these peaks may be aliases of a longer 8-h cycle that can be
seen in plots of the full 8 nights of data, presented in Bouchy et al. 2005).

As for p-modes, adapting our observing strategy to mitigate their effect on RV
measurements also works for granulation. Taking several RV measurements on each
night observed (generally 2 to 3 measurements) spaced by about 2h significantly
reduces the RV effects of granulation (Dumusque et al. 2010).

2.1.4 Days and Longer: Gravitational Redshift

Photons escaping from the photosphere are slowed down by the strong gravitational
potential of the star; the photons become redshifted, causing the centres of the spectral

(image	credit:	V.	Henriques)

(Haywood 2016)

(credit	David	Gray http://astro.uwo.ca/~dfgray/Granulation.html)	

Quenching	of	convective line	blueshifts in	magnetic regions

In the Sun and in solar-like stars with
low activity levels, the quenching of
convective blueshifts is the major
source of RV variations induced by
activity (cf. Meunier et al. 2010;
Haywood et al 2016; Lanza et al.
2016).

The rms solar RV variation is 4-5m/s.

Convective quenching is mostly
produced in solar faculae.



Information	from	the	RV	measurements

• In low-activity stars, such as the Sun, the RV jitter is dominated by the quenching of
convective blueshifts occurring in faculae close to the centre of the disc;

• Therefore, it is poorly correlated with the brightness variations and the astrometric
jitter because faculae have a very low contrast close to the disc centre (cf. Lagrange et
al. 2011);

• In stars significantly more active than the Sun, dominated by dark spots, we expect
the RV jitter to become more correlatedwith the astrometric jitter.



An	approach based on	Gaussian Processes

• In the case of astrometry, we face the same problem as in the analysis of stellar RV: a
lack of information to reconstruct in a deterministicway the stellar jitter;

• From simultaneous photometry and/or RV measurements, we can estimate the
evolution time scales of the active regions and the stellar rotation period that provide
information to characterize the time correlation of the jitter;

• Gaussian Processes (GPs) can be used to reduce the impact of the jitter by exploiting
such a knowledge.



Gaussian Processes:	the	principle
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Figure 2. The conceptual basis of GPs starts with an appeal to simple multi-variate Gaussian distributions. A joint distribution
(covariance ellipse) formsmarginal distributions p(x1), p(x2) that are vague (black solid line). Observing x1 at a value indicated
by the vertical dashed line changes our beliefs about x2, giving rise to a conditional distribution (black dashed-dot line).
Knowledge of the covariance lets us shrink uncertainty in one variable, based on observation of the other. (Online version
in colour.)

As the dominant machinery for working with these models is that of probability theory, they are
often referred to as Bayesian non-parametric models. We now focus on a particular member, namely
the GP.

3. Gaussian processes
We start this introduction to GPs by considering a simple two-variable Gaussian distribution,
which is defined for variables x1, x2 say, by a mean and a 2 × 2 covariance matrix, which we
may visualize as a covariance ellipse corresponding to equal probability contours of the joint
distribution p(x1, x2). Figure 2 shows an example of a two-dimensional distribution as a series
of elliptical contours. The corresponding marginal distributions p(x1) and p(x2) are shown as
‘projections’ of this along the x1 and x2 axes (solid black lines). We now consider the effect of
observing one of the variables such that, for example, we observe x1 at the location of the dashed
vertical line in the figure. The resultant conditional distribution p(x2 | x1 = known), indicated by the
dash-dotted curve, now deviates significantly from the marginal p(x2). Because of the relationship
between the variables implied by the covariance, knowledge of one shrinks our uncertainty in
the other.

To see the intimate link between this simple example and time-series analysis, we represent
the same effect in a different format. Figure 3 shows the mean (black line) and ± σ (grey-shaded
region) for p(x1) and p(x2). Figure 3a depicts our initial state of ignorance and figure 3b after we
observe x1. Note how the observation changes the location and uncertainty of the distribution
over x2. Why stop at only two variables? We can extend this example to arbitrarily large numbers
of variables, the relationships between which are defined by an ever larger covariance. Figure 4
shows the posterior distribution for a 10 day example in which observations are made at locations
2, 6 and 8. Figure 4a shows the posterior mean and ± σ as in our previous examples. Figure 4b
extends the posterior distribution evaluation densely in the same interval (here, we evaluate the
distribution over several hundred points). We note that the ‘discrete’ distribution is now rather
continuous. In principle, we can extend this procedure to the limit in which the locations of the
xi are infinitely dense (here, on the real line) and so the infinite joint distribution over them all
is equivalent to a distribution over a function space. In practice, we will not need to work with
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• A joint distribution (covariance ellipse) forms
marginal distributions by projecting itself
along the coordinate axes (solid lines);

• Observing x1 at a value indicated by the
dashed vertical line changes our expectations
about x2 giving rise to a conditional
distribution (dashed-dot line).

(Roberts	et	al.	2013;	Haywood et	al.	2014)



An	example:	GPs as applied to	Kepler-78

the RV GP hyperparameters, h, θ, w, and λ in the quasi-
periodic case, σ, a white noise parameter, as well as the
Doppler amplitude K of a Keplerian signal at the known orbital
period and phase of the planet, to the RV data simultaneously.
We find that all of our GP + Keplerian models are able to
recover the planetary Doppler amplitude K at a value consistent
with previous work.

3.1. GP Regression: Concept

GP is a nonparametric method to describe a data set by
evaluating correlations between n data points through a
covariance kernel. This kernel describes the relationship of
each point in the data set to each other point, and can be
expressed as an n × n matrix (subsequently referred to as the
covariance matrix). The kernel is a function of hyperpara-
meters. More complicated kernels can have more hyperpara-
meters that characterize different qualities of the correlations in
the data, such as various periods, characteristic amplitudes, and
length scales, etc.
GP regression is widely used in the field of machine learning

(Neal 1997; Herbrich et al. 2003; Quiñonero-Candela &
Rasmussen 2005; Wang et al. 2008). Gibson et al. (2012)
introduced the technique to the field of exoplanets through
analysis of transmission spectroscopy to model correlated noise
in the instrumental systematics of HST/NICMOS, as described
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Figure 1. Flux of Kepler-78 vs. time, as recorded by the Kepler spacecraft during its sixteenth quarter of observations. The data are plotted as black points, with
photometric errors shown. The blue line corresponds to the Gaussian process regression of the photometry with the best-fit kernel hyperparameters, and the shaded
regions correspond to 1σ and 2σ uncertainties, as defined by the posterior distributions of the kernel hyperparameters. The Kepler data has been shown as fitted with a
single quasi-periodic kernel function and a white-noise stellar jitter parameter.

Figure 2. RV of Kepler-78 vs. time, measured by Keck-HIRES and HARPS-N. The HIRES and HARPS-N data are plotted as blue and red points, respectively, with
errors in RV shown. A Keplerian orbit signal with the calculated best-fit Doppler amplitude has been subtracted from the data. The colored lines correspond to the
Gaussian process regressions with best-fit kernel parameters of the correspondingly colored RV measurements, where the shaded regions correspond to 1σ and 2σ
uncertainties. Both data sets have been fitted with a single quasi-periodic kernel operator with common period, roughness, and lengthscale (θ, w, and λ)
hyperparameters, but separate covariance amplitude and white noise (h and σ) parameters.

Figure 3. Residuals of the HIRES and HARPS-N data after the quasi-periodic
GP regression to the data with the Keplerian signal subtracted is removed,
phase-folded at the known orbital period of the planet. HIRES data is shown in
blue, and HARPS-N data is shown in red. The planetary signal model is shown
by the dotted black line, and binned data are shown by black points.
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the RV GP hyperparameters, h, θ, w, and λ in the quasi-
periodic case, σ, a white noise parameter, as well as the
Doppler amplitude K of a Keplerian signal at the known orbital
period and phase of the planet, to the RV data simultaneously.
We find that all of our GP + Keplerian models are able to
recover the planetary Doppler amplitude K at a value consistent
with previous work.

3.1. GP Regression: Concept

GP is a nonparametric method to describe a data set by
evaluating correlations between n data points through a
covariance kernel. This kernel describes the relationship of
each point in the data set to each other point, and can be
expressed as an n × n matrix (subsequently referred to as the
covariance matrix). The kernel is a function of hyperpara-
meters. More complicated kernels can have more hyperpara-
meters that characterize different qualities of the correlations in
the data, such as various periods, characteristic amplitudes, and
length scales, etc.
GP regression is widely used in the field of machine learning

(Neal 1997; Herbrich et al. 2003; Quiñonero-Candela &
Rasmussen 2005; Wang et al. 2008). Gibson et al. (2012)
introduced the technique to the field of exoplanets through
analysis of transmission spectroscopy to model correlated noise
in the instrumental systematics of HST/NICMOS, as described
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Figure 2. RV of Kepler-78 vs. time, measured by Keck-HIRES and HARPS-N. The HIRES and HARPS-N data are plotted as blue and red points, respectively, with
errors in RV shown. A Keplerian orbit signal with the calculated best-fit Doppler amplitude has been subtracted from the data. The colored lines correspond to the
Gaussian process regressions with best-fit kernel parameters of the correspondingly colored RV measurements, where the shaded regions correspond to 1σ and 2σ
uncertainties. Both data sets have been fitted with a single quasi-periodic kernel operator with common period, roughness, and lengthscale (θ, w, and λ)
hyperparameters, but separate covariance amplitude and white noise (h and σ) parameters.

Figure 3. Residuals of the HIRES and HARPS-N data after the quasi-periodic
GP regression to the data with the Keplerian signal subtracted is removed,
phase-folded at the known orbital period of the planet. HIRES data is shown in
blue, and HARPS-N data is shown in red. The planetary signal model is shown
by the dotted black line, and binned data are shown by black points.
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Kepler-78 light curve with GP
regression; the shaded regions
correspond to 1𝜎 and 2𝜎
uncertainties.

GP regressions to the RV residuals
(keplerian orbit of Kepler-78b
subtracted) of the HIRES (blue)
and HARPS-N (red) data. These GP
regressions have been “trained” by
using the GP hyperparameter
distributions of the GP regression
of the Kepler light curve.

(Grunblatt et	al.	2015)



Conclusions
• We expect that the astrometric detection of an Earth twin around α Cen A and B should

not be seriously hampered by the magnetic activity of the stars, but activity may preclude
a fully exploitation of the measurement precision of TOLIMAN;

• A reduction of the impact of the astrometric jitter on modelling planetary orbits can be
achieved by a proper treatment of activity, e.g., by means of Gaussian Processes;

• By analogy with the case of RV in low-activity sun-like stars, we expect a reduction of the
jitter amplitude by a factor of ∼ 2, that is down to 0.1 𝜇AU in our case;

• In stars with a low activity level such as α Cen A and B, a good proxy for measuring the
timescales of active region evolution and time covariance could be the chromospheric
index log R’HK.



Thank you for	your attention
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The	role of	faculae in	solar-like stars

are displayed in Figure 16. The dashed line is a LOWESS fit to
the data with a fairly broad width parameter of about 2/3. The
mean value for σb/σy is 1.15 for all 64 stars, including the Sun.
The ratio is 1.13 for the 14 tightly bunched active stars with log
R 4.6HK¢ > - , and 1.16 for the more scattered less-active stars
with log R 4.6HK¢ < - , where the increased scatter probably

reflects mainly the relatively larger errors in both the numerator
and the denominator of the ratio. For the solar twin 18 Sco (HD
146233), the ratio is 1.70. A similar analysis for the mainly
F-type comparison stars shows that the ratio ranges from −0.95
to 1.05 for these essentially quiescent (i.e., generally
nondetectably variable) stars, as would be expected. Accord-
ingly, we conclude that our present data tend to confirm our
previous impression; for Sun-like stars, the variation in
Strömgren b typically exceeds the variation in Strömgren y
by about 15%.

5.7. Comments on Specific Stars

5.7.1. HD 146233=18 Sco (The “Solar Twin”)

The G2V star HD 146233 (18 Sco) became a target for the
Lowell SSS program in 1995, even before it was identified as a
near-perfect “solar twin” (Porto de Mello & da Silva 1997), and
APT photometry at Fairborn began in 2000. With now a total
of 17 years of joint observation, 18 Sco’s activity cycle is
known to vary directly in chromospheric S-index emission and

Figure 14. (a) Correlations between brightness and chromospheric variation on
the year-to-year timescale (L07). (b) Correlations between brightness and
chromospheric variation on the year-to-year timescale (present sample). (c) The
inset from (b).

Figure 15. Slope of the regression of the photometric brightness variation on
the chromospheric Ca II H+K emission variation, plotted as a function of
average chromospheric emission. Filled symbols are stars from the present
sample, open symbols are the stars from L07, and the symbols for the 18 stars
in common are connected. The dashed line is a LOWESS fit to the data.

Figure 16. Ratio σb/σy as a function of log R HK¢ . The dashed line is a
LOWESS fit to the data.
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Open symbols: stars that become brighter when they
aremore chromosphericallyactive,similar to the Sun;
probably dominatedby faculae;

Filled symbols: stars that become darker when more
chromospherically active; probably dominated by dark
spots.

The lower panel is an enlargement of the inset in the
upper panel.

The green dashed line marks the transition between
activity-darkandactivity-bright stars.

(Radick et al. 2018)

Activity-dark	stars

Activity-bright stars



𝛼 Centauri	A	and	B	

6

Figure 1. Projected orbital plane of ↵ Cen A and B. The
angular separation reaches a temporary minimum just under
4” in 2017 and the angular separation begins to increase
in 2018. By 2020, the separation exceeds 5.005 and ground-
based, radial-velocity searches can resume without su↵ering
significant contamination from the companion star.

matics. Furthermore, in the case of a binary star sys-
tem, we expect that the stars are co-eval; both stars
should yield an independent estimate for the age of the
binary system. Taking the average of the stellar ages for
both ↵ Cen A and B estimated from the ages tabulated
in Table 1, we calculate a weighted mean age for the
↵Centauri system of 5.03± 0.34 Gyr.

2.6. Stellar Orbits

Pourbaix et al. (1999) used published astrometry and
radial velocity (RV) data from the European Southern
Observatory Coudé Echelle Spectrograph to derive the
orbital parameters for the ↵ Cen A and B stellar bi-
nary system. Pourbaix & Bo�n (2016) refined this bi-
nary star orbit by supplementing their previous anal-
ysis with 11 years of high-precision RV measurements
from the HARPS spectrograph and some additional as-
trometric data from the Washington Double Star Cat-
alog (Hartkopf et al. 2001). They derive an orbital pe-
riod of 79.91 ± 0.013 years and eccentricity of 0.524
± 0.0011, and masses MA = 1.133 ± 0.005 M� and
MB = 0.972± 0.0045 M�.
Proxima Centauri has a projected separation of

15, 000 ± 700 AU from ↵ Cen AB and a relative
velocity with respect to ↵ Cen AB of 0.53 ± 0.14
km s�1 (Wertheimer & Laughlin 2006). Wertheimer
& Laughlin (2006) used Hipparcos kinematic informa-
tion and carried out Monte Carlo simulations to de-
termine the binding energy of Proxima Cen relative to
↵ Cen AB. They found a high probability that Proxima
Cen is gravitationally bound and near apastron in a
highly eccentric orbit. More recently, Kervella et al.
(2017b) added published HARPS RV measurements

and likewise concluded that Proxima Centauri is grav-
itationally bound to the ↵ Cen AB stars, traveling in
an orbit with eccentricity of 0.50+0.08

�0.09 with an orbital
period of ⇠ 550, 000 years.

3. EXOPLANET SEARCHES

The three stars in the ↵Centauri system have been
targets of di↵erent precision, radial-velocity surveys to
search for exoplanets from southern hemisphere obser-
vatories (Endl et al. 2001; Dumusque et al. 2012; Endl
et al. 2015). In 2012, a planet was announced orbit-
ing ↵ Cen B (Dumusque et al. 2012) using data from
the HARPS spectrograph. While that putative signal
was later shown to be a sampling alias in the time se-
ries data (Rajpaul et al. 2016), Anglada-Escudé et al.
(2016) subsequently discovered a low-mass planet orbit-
ing Proxima Centauri, a M5.5V star. The orbital period
of Proxima Cen b is 11 days, which places this planet
at the appropriate distance from its host star to fall
within the habitable zone. This detection was a record-
breaking discovery because of the low mass of the planet,
although the habitability of this world is now being de-
bated. Airapetian et al. (2017) find that the planet
orbiting Proxima Centauri will incur a significant at-
mospheric loss of oxygen and nitrogen in addition to a
massive loss of hydrogen because of the high-energy flux
from this relatively active M dwarf (Airapetian et al.
2017).
There are several reasons why Doppler planet searches

around the binary stars ↵ Cen A and B are well-
motivated. The stars are bright, allowing for high
cadence and signal-to-noise spectra. The declination
of the stars is �60 degrees, close to a southern polar or-
bit, so that the observing season stretches between nine
months and a year depending on the position of the ob-
servatory. Dynamical simulations (Wiegert & Holman
1997) show that any planets in the system are likely
to be nearly aligned with the binary-star orbit; this
implies that any RV amplitude would not be strongly
attenuated by orbital inclination.
However, there are some challenges for planet detec-

tion, formation, and long-term stability around ↵ Cen A
or B. One key concern is that the semi-major axis of the
binary star orbit is only about 24 AU (Pourbaix & Bof-
fin 2016) and the orbital eccentricity of 0.524 means that
the separation of the stars is only 16.3 AU at periastron
passage. While Wiegert & Holman (1997) demonstrate
that any existing planets would be dynamically stable
if they orbit within a few AU of either star, the close
proximity of the stars has led to theoretical speculation
about whether planets could have formed in the first
place around ↵ Cen A or B (Barbieri et al. 2002; Quin-

(Zhao	et	al.	2018;	Pourbaix &	Boffin 2016)

𝛼 Cen A:	
• Spectral type:	G2V;	
• PROT ≈	29	d	(Hallam et	al.	1991;	Pagano	et	al	2004)
• vsini =	2.51	± 0.5	km/s (Zhao	et	al.	2018)
• Log	R’HK	 =	-5.002	(Henry	et	al.	1996)
• Coronal activity cycle of		≈19	yr (Ayres	2015)

𝛼 Cen B:	
• Spectral type:	K0V;	
• PROT ≈	36.7– 39.8	d	(Dumusque et	al.	2012)
• vsini =	1.9	± 0.5	km/s (Zhao	et	al.	2018)
• Log	R’HK	 =	-4.923	(Henry	et	al.	1996)
• Coronal activity cycle of ∼ 8	yr (Ayres	2015)
• Chromospheric activity cycle of ∼ 8.4	yr

with	a	FAP	of	24%		(Buccino	&	Mauas 2008)

MA	=	1.133	± 0.005	M⨀ ;	MB =	0.972	± 0.005	M⨀
P =		79.91	± 0.013	yr;	e	=	0.524	± 0.0011;	i	=	79.20	± 0.041	deg



Coronal activity cycles

hatching, highlighting the unusual extended minimum of
Solar Cycle 23. Larger solid dots represent X-ray fluxes of
α Cen AB from the Chandra HRC pointings (Y2000 and
later) and four earlier epochs from the ROSAT High-
Resolution Imager. Asterisks are published XMM-Newton
X-ray luminosities of B1 scaled slightly to match the apparent
Chandra variation. Dotted–dashed curves are schematic log-
sinusoidal fits to the AB cycles ( ~P 19 years, 8 years,
respectively). Triangles mark epochs when STIS FUV
echelle spectra were taken.

The latest L LX bol values confirm the recent generally
downward trend of the secondary star but upward trajectory of
the primary, which had been mired in a long-term low state
during 2005–2010 as mentioned earlier.

2.2. Space Telescope Imaging Spectrograph

The characteristics and operational capabilities of STIS have
been described in a number of previous publications, especially
Woodgate et al. (1998) and Kimble et al. (1998).
The STIS pointings in 2010–2014 were during a period

when the 80 year AB orbit was closing rapidly toward a
minimum separation of ~4́ in 2016. The proximity of these
optically very bright stars required a special target acquisi-
tion. First, the brighter of the two, A, was captured with a
normal CCD imaging acquisition in visible light through the
ND5 filter. According to the STIS Instrument Handbook,2 the
CCD acquisition has a 2 σ centering uncertainty of 0″. 01,
corresponding to a velocity error of about 1 km s−1. To aid
the initial acquisition, the position and proper motion of A
were updated via the long-term Chandra imaging, agreeing
best with the historical Luyten (1976) value for the proper
motion part. After the STIS echelle exposures of A were
taken, a blind offset was performed to the predicted location
of the secondary star. Here, also, the relative orbit had been
refined based on the recent Chandra positional measure-
ments. In the early years of the joint program, 2010 and 2011,
the offset was truly blind, to drop B directly into the STIS
photometric aperture ( ´ ´ ´0 2 0 2· · ). Because the precision of
the relative position was better than ´0 1· , the blind offset
should have accurately centered the target. The idea was to
capture the secondary star without risking a normal CCD
acquisition, which possibly could default to the optically
brighter of the two companions (A).
Unfortunately, the simple blind offset strategy failed in the

initial pointing on B, about eight months after the repair of
STIS in SM4. A significant technical delay in the first
observation caused the offset embedded in the Phase II
observing script to be out of date with respect to the true
relative position, and a table of time-dependent values in the
Phase II specifically for that contingency had been overlooked
by the schedulers. Despite the initial failed pointing, a re-
observation of B was carried out successfully less than six
months later using the same direct offset strategy, but with
epoch-appropriate values. Subsequently, to avoid any future
acquisition issues, a target-centering “peak-up” was conducted,
following the blind offset, in dispersed visible light with the

Table 1
New Chandra HRC Pointings

ObsID
UT Mid-
exposure texp (CR)A (CR)B L( )X A L( )X B

(year) (ks) (counts s−1) (1027 erg s−1)
(1) (2) (3) (4) (5) (6) (7)

14232 2013.96 10.05 0.93
± 0.06

2.00
± 0.10

0.62 1.81

14233 2014.48 9.62 0.86
± 0.07

1.39
± 0.09

0.57 1.18

Note.Exposure time (col. 3) as reported in the Chandra Archive, including
dead-time correction. Count rates (cols. 4 and 5) were time-filtered to remove
flare enhancements, if any, and were corrected for the 95% encircled energy of
the r = 1″. 6 detect cell. Uncertainties reflect standard deviations of binned count
rates with respect to reported flare-filtered averages. X-ray luminosities
(0.2–2 keV; cols. 6 and 7) were derived from the count rates using source-
dependent energy conversion factors. See Ayres (2014) for details. ~:L( )X

0.2–1.5 in the same energy band and luminosity units. = :L L( ) 1.50bol A and
= :L L( ) 0.49bol B (Ayres 2009).

Figure 1. Coronal X-ray-to-bolometric luminosity ratios of the Sun (black dots
and error bars), α Cen A (blue), and B (red). (Dividing by Lbol mitigates the
bias introduced by the different stellar sizes.) Uncertainties of the AB values
usually are smaller than the symbols. Pre-2000 values are from ROSAT; post-
2000 values are from Chandra (dots) and XMM-Newton (asterisks: B only).
The shaded background for the Sun is a schematic three-cycle average.
Triangles mark epochs of post-SM4 STIS pointings.

Table 2
HST/STIS Pointings 2010–2014

Data set
UT Mid-expo-
sure (year)

Exposure
Time (s)

A B A B A B

ob8w01010 L 2010.065 L 3800 L
L ob8w02010 L 2010.497 L 3600
oblh01020 oblh01050 2011.108 4950
oblh02020 oblh02050 2011.411 2011.412 4950
obua01010 obua01020 2012.165 4275
obua02010 obua02020 2012.766 4275
oc1i10010 oc1i10020 2013.222 4275
oc1i11010 oc1i11020 2013.669 4275
oc7w10010 oc7w10020 2014.118 4275
oc7w11010 oc7w11020 2014.562 4275

Note. All exposures were STIS medium-resolution FUV echelle setting
E140M-1425, through the 0″. 2 × 0″. 2 aperture, split into two equal sub-
exposures for <t 4000 sexp and three for >t 4000 sexp .

1 A has not been easily distinguished by XMM-Newton from the brighter B
since 2006, owing to the shrinking AB orbital separation in recent years.
Higher resolution Chandra, however, has no difficulty resolving the close pair. 2 See http://www.stsci.edu/hst/stis/documents/handbooks/currentIHB/cover.html.

2

The Astronomical Journal, 149:58 (19pp), 2015 February Ayres

(Ayres	2015)



Chromospheric S index vs.	the	time	
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Fig. 13. Data for HD 128620. Symbols as in Fig. 7.
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Fig. 14. Data for HD 128621. Symbols as in Fig. 7.

Judge et al. (2004) concluded that HD 128620 provides a good
proxy for the Sun’s UV spectrum during an intermediate phase
of the solar activity cycle. From our data, which is plotted in
Fig. 13, we found that the mean annual ⟨S ⟩ presented an 11%
variation along 16 years (1978− 2004), which is in agreement
with the analogy of HD 128620 with a Sun of moderate activity.
However, in Table 2 we observe an appreciable short-scale chro-
mospheric variation (∼ 44%) in the index S during 1995, much
larger than what is observed in the Sun. Therefore, HD 128620
probably presents larger chromospheric features than the Sun.

Recently, Robrade et al. (2005) found that HD 128620 has
decreased its X-ray flux by at least an order of magnitude during
their observation program (from March 2003 to February 2005),
and they attributed this variation to an irregular event or an un-
known coronal activity cycle. To search for a magnetic cycle
analogous to the solar one, we analysed the mean annual ⟨S ⟩ of
the data plotted in Fig. 13 with the Lomb-Scargle periodogram,
but we did not find a periodic behaviour.

HD 128621 – α Cen B

From ROSAT observations, Schmitt & Liefke (2004) reported
HD 128621 as a flare star as it presented variations of nearly 30%
in its X-ray emission during 20 days in August 1996. The data
for this star are shown in Fig. 14, where it can be seen that, dur-
ing 1995, it presented a chromospheric variation close to 75%,
which could be attributed to a flare-like process. However, the
light-curve for this event, which is shown in Fig. 15, does not
present the typical characteristics of flares.

To study if this variation is due to rotational modulation, we
analysed the data in Fig. 15 with the Lomb-Scargle periodogram
and we obtained a period of 35.1 days, similar to the values that
can be found in the literature for the rotation period. In particular,
Saar & Osten (1997) estimated a rotation period of 42 days for
HD 128621, while Jay et al. (1997) obtained a value of ∼ 37 days.
Therefore, the variation found in Fig. 15 is probably due to rota-
tion, for which we obtain a period of 35.1 days.

To analyse the magnetic behaviour of HD 128621, we stud-
ied the mean annual ⟨S ⟩ of the data plotted in Fig. 14 with the
Lomb-Scargle periodogram, shown in Fig. 16a. We obtained a
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Fig. 15. Detail of Fig. 14 in 1995, showing a 35 day-modulation in the
light-curve.
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Fig. 16. HD 128621.Left: Lomb-Scargle periodogram of the mean an-
nual ⟨S ⟩ in Fig. 14. The False Alarm Probability levels of 30, 50
and 80% are indicated. Right: the mean annual ⟨S ⟩ of the data plotted in
Fig. 14 phased with the period of 3061 days. The solid line represents
the harmonic curve that best fits the data with an 80% confident level
and the dashed lines indicate the points that apart ±3σ from that fit.
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Fig. 17. Data for HD 131156A. Symbols as in Fig. 7.

magnetic cycle with a period of 3061 days (∼ 8.38 years) with a
FAP of 24%. In Fig. 16b, we also show the ⟨S ⟩ phased with this
period and the harmonic curve that best fits these points with a
confidence level of 80%. The point for ⟨S ⟩ ∼ 0.16, which signifi-
cantly deviates from the harmonic curve, corresponds to the only
registry of activity we have for the year 2000 and it is, therefore,
not statistically representative of the mean annual activity.

Our results are consistent with the decline in X-ray lumon-
isity after 2005 reported by Robrade et al. (2007).

HD 131156 A – ξ Boo

HD 131156A is another flare star, which belongs to the vi-
sual binary system ξ Boo. It presented chromospheric variations
of 55% during 1982 and of 90% during 1978. Baliunas et al.
(1995) reported that HD 1311156A is a variable star without any
evident cyclic behaviour. We analysed the mean annual ⟨S ⟩ of
the data plotted in Fig. 17 with the Lomb-Scargle periodogram,
but we did not obtain a significant period. Baliunas et al. (1995)
reported an ⟨S ⟩ = 0.461 between 1966 to 1993 and we found
an ⟨S ⟩ 7% lower from 1978 to 1994 (Table 2). These values are
similar within the standard deviation, a fact which supports our
calibration.

HD	128620	=	𝛼 Cen A	(no	periodicity)

HD	128621	=	α	Cen B	(possible cycle
of	8.38	yr but with	FAP	=	0.24)

(Buccino	&	Mauas 2008)



GPs and	planet detection in	CoRoT-7
Planets and stellar activity in CoRoT-7 2525

Figure 5. Time series of the various parts of the total RV model for Model 2, after subtracting the star’s systemic velocity RV0. All RVs are in ms−1. Panel
(b): !RVrot (orange full line), !RVconv (purple dashed line) and !RVadditional (blue full line with grey error band). Panel (e): the total model (red), which is
the sum of activity and planet RVs, is overlaid on top of the data (blue points). Subtracting the model from the data yields the residuals plotted in panel (f).

MNRAS 443, 2517–2531 (2014)
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• A model including GPs to
account for the RV jitter
has been applied to CoRoT-
7 by Haywood et al. (2014);

• The covariance matrix of
the noise has been derived
from the CoRoT light curve;

• This works very well in this
active stars.
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Figure 4. Ratio of facular to spot area from CFDT2. Points are annual means
with error bars representing standard errors.

Figure 5. Facular area vs. sunspot area. Each point represents a 100 day bin.

Figure 3 shows the ratio of corrected facular/network to spot
area from CFDT2, again in 100 day bins. We see the same trend
at minima that we see with CFDT1. Figure 4 shows the ratio
of facular/network to spot area from CFDT2 where each point
represents an annual mean. The error bars shown in Figures 1–4
are all standard errors of the mean.

3.2. Facular Area versus Sunspot Area

Figure 5 shows corrected facular/network area versus sunspot
area from CFDT1, each point representing a bin of 100 days of
data. The time period covers most of cycle 22 and all of cycle
23, a total of 22 years. The least-squares fit is given by Equation
(1) with a coefficient of correlation, r2 = 0.8645:

Af = (23.1 ± 1.086) × As + (4.768 ± 1.000) × 103, (1)

where Af represents facular/network area and As represents
sunspot area, both of which are corrected hemispherical areas
in µhem (millionths of a hemisphere).

Figure 6 shows these same data in annual means with a least-
squares fit (Equation (2)), r2 = 0.9465:

Af = (24.84 ± 1.354)As + (3.334 ± 1.209) × 103. (2)
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Figure 6. Facular area vs. spot area in annual bins. The straight line is a least-
squares fit (see Equation (2), r2 = 0.9465).
(A color version of this figure is available in the online journal.)

Table 2
Annual Mean Facular/Network and Spot Areas in µhem

Year CFDT1 CFDT2

Fac. σ Spot σ Fac. σ Spot σ

1986 . . . . . . 72 12 . . . . . . . . . . . .

1987 . . . . . . 218 18 . . . . . . . . . . . .

1988 30695 603 1094 67 . . . . . . . . . . . .

1989 46904 591 1830 70 . . . . . . . . . . . .

1990 39374 740 1343 60 . . . . . . . . . . . .

1991 44000 607 1718 82 . . . . . . . . . . . .

1992 27285 857 861 50 27564 783 787 47
1993 14611 365 409 28 17985 438 402 30
1994 7995 250 197 17 10846 379 258 30
1995 5383 195 90 8 8518 319 99 9
1996 2839 383 54 9 4786 186 69 11
1997 4820 405 144 19 7927 298 158 22
1998 16309 466 555 31 25634 594 600 35
1999 22277 399 901 40 36276 613 979 46
2000 30929 522 1215 52 47354 601 1304 56
2001 25722 516 1196 54 42514 707 1256 59
2002 42370 383 1225 42 46333 608 1342 45
2003 27372 346 713 61 27642 535 761 65
2004 18212 227 493 36 17688 382 520 38
2005 12405 169 343 30 12591 357 377 34
2006 7568 115 154 17 7320 233 167 18
2007 4141 169 76 10 4063 181 77 10
2008 2252 115 14 6 1953 122 16 6
2009 1893 170 0 0 1884 153 0 0

Notes. CFDT1 (BP = 1 nm) K-line filter changed 2002 February 5. CFDT2
(BP = 1 nm) K-line filter changed 1998 July 28.

The linear coefficient of Equation (2), where the data are in
annual bins, is in close agreement with Equation (1), based on
data in 100 day bins.

Quadratic fits were obtained for all data sets but the quadratic
term was not statistically significant for any of them.

Tables 2 and 3 present the yearly means for facular/network
and spot areas. All areas and their standard deviations (of the
mean) are in millionths of a hemisphere (µhem). The left half
of Table 2 consists of means from the CFDT1 red and K-line
filter images. The year 1986 is only half a year beginning with
1986 May 26 when the wavelength of the red filter was final-
ized. Similarly, for the facular/network area from CFDT1, the
K-line filter was not installed until mid-year 1988. The right
half of Table 2 is from CFDT2 red and wide K-line filter

3

Solar	Afac /	Aspot ratio	vs.	the	time	 (Chapman et	al.	2011)

are displayed in Figure 16. The dashed line is a LOWESS fit to
the data with a fairly broad width parameter of about 2/3. The
mean value for σb/σy is 1.15 for all 64 stars, including the Sun.
The ratio is 1.13 for the 14 tightly bunched active stars with log
R 4.6HK¢ > - , and 1.16 for the more scattered less-active stars
with log R 4.6HK¢ < - , where the increased scatter probably

reflects mainly the relatively larger errors in both the numerator
and the denominator of the ratio. For the solar twin 18 Sco (HD
146233), the ratio is 1.70. A similar analysis for the mainly
F-type comparison stars shows that the ratio ranges from −0.95
to 1.05 for these essentially quiescent (i.e., generally
nondetectably variable) stars, as would be expected. Accord-
ingly, we conclude that our present data tend to confirm our
previous impression; for Sun-like stars, the variation in
Strömgren b typically exceeds the variation in Strömgren y
by about 15%.

5.7. Comments on Specific Stars

5.7.1. HD 146233=18 Sco (The “Solar Twin”)

The G2V star HD 146233 (18 Sco) became a target for the
Lowell SSS program in 1995, even before it was identified as a
near-perfect “solar twin” (Porto de Mello & da Silva 1997), and
APT photometry at Fairborn began in 2000. With now a total
of 17 years of joint observation, 18 Sco’s activity cycle is
known to vary directly in chromospheric S-index emission and

Figure 14. (a) Correlations between brightness and chromospheric variation on
the year-to-year timescale (L07). (b) Correlations between brightness and
chromospheric variation on the year-to-year timescale (present sample). (c) The
inset from (b).

Figure 15. Slope of the regression of the photometric brightness variation on
the chromospheric Ca II H+K emission variation, plotted as a function of
average chromospheric emission. Filled symbols are stars from the present
sample, open symbols are the stars from L07, and the symbols for the 18 stars
in common are connected. The dashed line is a LOWESS fit to the data.

Figure 16. Ratio σb/σy as a function of log R HK¢ . The dashed line is a
LOWESS fit to the data.
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Open symbols: stars that
become brighter when they
are more chromospherically
active,similar tothe Sun;

Filled symbols: stars that
become darker when more
chromosphericallyactive.

The lower panel is an
enlargement of the inset in
theupper panel.

The green dashed line marks
the transition between
activity-dark and activity-
bright stars.

(Radick et al. 2018)

Activity-dark	stars

Activity-bright stars



Light		modulations due		to		spots and		solar-like faculae

(Lanza	2016)	
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Fig. 3.2 Illustration of the rotational modulation of the flux produced by a single active region
consisting of a dark spot and a bright facular area around it with solar-like contrasts

region moves toward the other limb, the flux increases again due to the prevailing
effect of the faculae.

When a star is much more active than the Sun, its active regions cannot be
treated as point-like features. This is the case of young rapidly rotating stars or
of the active components of close binaries that were monitored from the ground
thanks to their large light curve amplitudes reaching up to 0.2–0.3mag in the optical
passband (Strassmeier et al. 1997; García-Alvarez et al. 2011). In this case, active
regions were generally treated as spherical caps, as discussed in, e.g., Rodonò et al.
(1986), Dorren (1987), or Eker (1994). We shall not consider the theory of the light
variations produced by such extended spots, referring the interested reader to those
works and the references therein. However, a few results obtained with those models
will be mentioned in Sect. 3.2.3.

An important geometrical parameter affecting starspot modelling is the inclina-
tion of the stellar spin axis i. If the photometric period Prot is known from timeseries
photometry, the rotational broadening of the spectral lines v sin i is measured from
high-resolution spectroscopy, and the radius of the star R is estimated from models
or interferometry, we can derive the inclination from: sin i D Prot.v sin i/=2!R.
This method can be applied to young rapidly rotating stars because for stars similar
to the Sun the relative error on v sin i is of !50–100% due to the effects of

• Active regions consist of dark spots and faculae;

• The contrast of dark spots is independent of the
position on the disc, while the contrast of faculae is
zero at the disc centre and becomes maximum at the
limb;

• The light modulation is only weakly dependent of the
AR latitude, therefore, inverting a high-precision light
curve does not constrain spot latitudes;

• Reconstructions based on light modulation are very
poor in the case of stars with an inclination i < 30o – 40o

C

FACULA


