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FIG. 1: The GW event GW170814 observed by LIGO Hanford, LIGO Livingston and Virgo. Times are shown from August 14, 2017,
10:30:43 UTC. Top row: SNR time series produced in low latency and used by the low-latency localization pipeline on August 14,
2017. The time series were produced by time-shifting the best-match template from the online analysis and computing the integrated
SNR at each point in time. The single-detector SNRs in Hanford, Livingston and Virgo are 7.3, 13.7 and 4.4, respectively. Second row:
Time-frequency representation of the strain data around the time of GW170814. Bottom row: Time-domain detector data (in color),
and 90% confidence intervals for waveforms reconstructed from a morphology-independent wavelet analysis [13] (light gray) and BBH
models described in the Source Properties section (dark gray), whitened by each instrument’s noise amplitude spectral density between
20Hz and 1024Hz. For this figure the data were also low-passed with a 380Hz cutoff to eliminate out-of-band noise. The whitening
emphasizes different frequency bands for each detector, which is why the reconstructed waveform amplitude evolution looks different
in each column. The left ordinate axes are normalized such that the physical strain of the wave form is accurate at 130Hz. The right
ordinate axes are in units of whitened strain, divided by the square root of the effective bandwidth (360 Hz), resulting in units of noise
standard deviations.

DETECTORS

LIGO operates two 4 km long detectors in the US,
one in Livingston, LA and one in Hanford, WA [14],
while Virgo consists of a single 3 km long detector near
Pisa, Italy [15]. Together with GEO600 located near
Hanover, Germany [16], several science runs of the initial-
era gravitational wave network were conducted through
2011. LIGO stopped observing in 2010 for the Advanced
LIGO upgrade[1]. The Advanced LIGO detectors have
been operational since 2015 [17]. They underwent a se-
ries of upgrades between the first and second observation
runs [4], and began observing again in November 2016.

Virgo stopped observing in 2011 for the Advanced Virgo
upgrade, during which many parts of the detector were re-
placed or improved [6]. Among the main changes are an
increase of the finesse of the arm-cavities, the use of heav-

ier test mass mirrors that have lower absorption and better
surface quality [18]. To reduce the impact of the coating
thermal noise [19], the size of the beam in the central part
of the detector was doubled, which required modifications
of the vacuum system and the input/output optics [20, 21].
The recycling cavities are kept marginally stable as in the
initial Virgo configuration. The optical benches support-
ing the main readout photodiodes have been suspended and
put under vacuum to reduce impact of scattered light and
acoustic noise. Cryogenic traps have been installed to im-
prove the vacuum level. The vibration isolation and suspen-
sion system, already compliant with the Advanced Virgo
requirement [22, 23], has been further improved to allow
for a more robust control of the last-stage pendulum and
the accommodation of baffles to mitigate the effect of scat-
tered light. The test mass mirrors are currently suspended
with metallic wires. Following one year of commissioning,
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propagation time, the events have a combined signal-to-
noise ratio (SNR) of 24 [45].
Only the LIGO detectors were observing at the time of

GW150914. The Virgo detector was being upgraded,
and GEO 600, though not sufficiently sensitive to detect
this event, was operating but not in observational
mode. With only two detectors the source position is
primarily determined by the relative arrival time and
localized to an area of approximately 600 deg2 (90%
credible region) [39,46].
The basic features of GW150914 point to it being

produced by the coalescence of two black holes—i.e.,
their orbital inspiral and merger, and subsequent final black
hole ringdown. Over 0.2 s, the signal increases in frequency
and amplitude in about 8 cycles from 35 to 150 Hz, where
the amplitude reaches a maximum. The most plausible
explanation for this evolution is the inspiral of two orbiting
masses, m1 and m2, due to gravitational-wave emission. At
the lower frequencies, such evolution is characterized by
the chirp mass [11]

M ¼ ðm1m2Þ3=5

ðm1 þm2Þ1=5
¼ c3

G

!
5

96
π−8=3f−11=3 _f

"
3=5

;

where f and _f are the observed frequency and its time
derivative and G and c are the gravitational constant and
speed of light. Estimating f and _f from the data in Fig. 1,
we obtain a chirp mass of M≃ 30M⊙, implying that the
total mass M ¼ m1 þm2 is ≳70M⊙ in the detector frame.
This bounds the sum of the Schwarzschild radii of the
binary components to 2GM=c2 ≳ 210 km. To reach an
orbital frequency of 75 Hz (half the gravitational-wave
frequency) the objects must have been very close and very
compact; equal Newtonian point masses orbiting at this
frequency would be only ≃350 km apart. A pair of
neutron stars, while compact, would not have the required
mass, while a black hole neutron star binary with the
deduced chirp mass would have a very large total mass,
and would thus merge at much lower frequency. This
leaves black holes as the only known objects compact
enough to reach an orbital frequency of 75 Hz without
contact. Furthermore, the decay of the waveform after it
peaks is consistent with the damped oscillations of a black
hole relaxing to a final stationary Kerr configuration.
Below, we present a general-relativistic analysis of
GW150914; Fig. 2 shows the calculated waveform using
the resulting source parameters.

III. DETECTORS

Gravitational-wave astronomy exploits multiple, widely
separated detectors to distinguish gravitational waves from
local instrumental and environmental noise, to provide
source sky localization, and to measure wave polarizations.
The LIGO sites each operate a single Advanced LIGO

detector [33], a modified Michelson interferometer (see
Fig. 3) that measures gravitational-wave strain as a differ-
ence in length of its orthogonal arms. Each arm is formed
by two mirrors, acting as test masses, separated by
Lx ¼ Ly ¼ L ¼ 4 km. A passing gravitational wave effec-
tively alters the arm lengths such that the measured
difference is ΔLðtÞ ¼ δLx − δLy ¼ hðtÞL, where h is the
gravitational-wave strain amplitude projected onto the
detector. This differential length variation alters the phase
difference between the two light fields returning to the
beam splitter, transmitting an optical signal proportional to
the gravitational-wave strain to the output photodetector.
To achieve sufficient sensitivity to measure gravitational

waves, the detectors include several enhancements to the
basic Michelson interferometer. First, each arm contains a
resonant optical cavity, formed by its two test mass mirrors,
that multiplies the effect of a gravitational wave on the light
phase by a factor of 300 [48]. Second, a partially trans-
missive power-recycling mirror at the input provides addi-
tional resonant buildup of the laser light in the interferometer
as a whole [49,50]: 20Wof laser input is increased to 700W
incident on the beam splitter, which is further increased to
100 kW circulating in each arm cavity. Third, a partially
transmissive signal-recycling mirror at the output optimizes

FIG. 2. Top: Estimated gravitational-wave strain amplitude
from GW150914 projected onto H1. This shows the full
bandwidth of the waveforms, without the filtering used for Fig. 1.
The inset images show numerical relativity models of the black
hole horizons as the black holes coalesce. Bottom: The Keplerian
effective black hole separation in units of Schwarzschild radii
(RS ¼ 2GM=c2) and the effective relative velocity given by the
post-Newtonian parameter v=c ¼ ðGMπf=c3Þ1=3, where f is the
gravitational-wave frequency calculated with numerical relativity
and M is the total mass (value from Table I).
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HERE IS THE BEAUTY ! 
THE MERGER OF TWO  PURELY GEOMETRICAL OBJECTS 

For robustness and validation, we also use other generic
transient search algorithms [41]. A different search [73] and
a parameter estimation follow-up [74] detected GW150914
with consistent significance and signal parameters.

B. Binary coalescence search

This search targets gravitational-wave emission from
binary systems with individual masses from 1 to 99M⊙,
total mass less than 100M⊙, and dimensionless spins up to
0.99 [44]. To model systems with total mass larger than
4M⊙, we use the effective-one-body formalism [75], which
combines results from the post-Newtonian approach
[11,76] with results from black hole perturbation theory
and numerical relativity. The waveform model [77,78]
assumes that the spins of the merging objects are aligned
with the orbital angular momentum, but the resulting
templates can, nonetheless, effectively recover systems
with misaligned spins in the parameter region of
GW150914 [44]. Approximately 250 000 template wave-
forms are used to cover this parameter space.
The search calculates the matched-filter signal-to-noise

ratio ρðtÞ for each template in each detector and identifies
maxima of ρðtÞwith respect to the time of arrival of the signal
[79–81]. For each maximum we calculate a chi-squared
statistic χ2r to test whether the data in several different
frequency bands are consistent with the matching template
[82]. Values of χ2r near unity indicate that the signal is
consistent with a coalescence. If χ2r is greater than unity, ρðtÞ
is reweighted as ρ̂ ¼ ρ=f½1þ ðχ2rÞ3&=2g1=6 [83,84]. The final
step enforces coincidence between detectors by selecting
event pairs that occur within a 15-ms window and come from
the same template. The 15-ms window is determined by the
10-ms intersite propagation time plus 5 ms for uncertainty in
arrival time of weak signals. We rank coincident events based
on the quadrature sum ρ̂c of the ρ̂ from both detectors [45].
To produce background data for this search the SNR

maxima of one detector are time shifted and a new set of
coincident events is computed. Repeating this procedure
∼107 times produces a noise background analysis time
equivalent to 608 000 years.
To account for the search background noise varying across

the target signal space, candidate and background events are
divided into three search classes based on template length.
The right panel of Fig. 4 shows the background for the
search class of GW150914. The GW150914 detection-
statistic value of ρ̂c ¼ 23.6 is larger than any background
event, so only an upper bound can be placed on its false
alarm rate. Across the three search classes this bound is 1 in
203 000 years. This translates to a false alarm probability
< 2 × 10−7, corresponding to 5.1σ.
A second, independent matched-filter analysis that uses a

different method for estimating the significance of its
events [85,86], also detected GW150914 with identical
signal parameters and consistent significance.

When an event is confidently identified as a real
gravitational-wave signal, as for GW150914, the back-
ground used to determine the significance of other events is
reestimated without the contribution of this event. This is
the background distribution shown as a purple line in the
right panel of Fig. 4. Based on this, the second most
significant event has a false alarm rate of 1 per 2.3 years and
corresponding Poissonian false alarm probability of 0.02.
Waveform analysis of this event indicates that if it is
astrophysical in origin it is also a binary black hole
merger [44].

VI. SOURCE DISCUSSION

The matched-filter search is optimized for detecting
signals, but it provides only approximate estimates of
the source parameters. To refine them we use general
relativity-based models [77,78,87,88], some of which
include spin precession, and for each model perform a
coherent Bayesian analysis to derive posterior distributions
of the source parameters [89]. The initial and final masses,
final spin, distance, and redshift of the source are shown in
Table I. The spin of the primary black hole is constrained
to be < 0.7 (90% credible interval) indicating it is not
maximally spinning, while the spin of the secondary is only
weakly constrained. These source parameters are discussed
in detail in [39]. The parameter uncertainties include
statistical errors and systematic errors from averaging the
results of different waveform models.
Using the fits to numerical simulations of binary black

hole mergers in [92,93], we provide estimates of the mass
and spin of the final black hole, the total energy radiated
in gravitational waves, and the peak gravitational-wave
luminosity [39]. The estimated total energy radiated in
gravitational waves is 3.0þ0.5

−0.5M⊙c2. The system reached a
peak gravitational-wave luminosity of 3.6þ0.5

−0.4 × 1056 erg=s,
equivalent to 200þ30

−20M⊙c2=s.
Several analyses have been performed to determine

whether or not GW150914 is consistent with a binary
black hole system in general relativity [94]. A first

TABLE I. Source parameters for GW150914. We report
median values with 90% credible intervals that include statistical
errors, and systematic errors from averaging the results of
different waveform models. Masses are given in the source
frame; to convert to the detector frame multiply by (1þ z)
[90]. The source redshift assumes standard cosmology [91].

Primary black hole mass 36þ5
−4M⊙

Secondary black hole mass 29þ4
−4M⊙

Final black hole mass 62þ4
−4M⊙

Final black hole spin 0.67þ0.05
−0.07

Luminosity distance 410þ160
−180 Mpc

Source redshift z 0.09þ0.03
−0.04
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Observation of Gravitational Waves from a Binary Black Hole Merger

B. P. Abbott et al.*

(LIGO Scientific Collaboration and Virgo Collaboration)
(Received 21 January 2016; published 11 February 2016)

On September 14, 2015 at 09:50:45 UTC the two detectors of the Laser Interferometer Gravitational-Wave
Observatory simultaneously observed a transient gravitational-wave signal. The signal sweeps upwards in
frequency from 35 to 250 Hz with a peak gravitational-wave strain of 1.0 × 10−21. It matches the waveform
predicted by general relativity for the inspiral and merger of a pair of black holes and the ringdown of the
resulting single black hole. The signal was observed with a matched-filter signal-to-noise ratio of 24 and a
false alarm rate estimated to be less than 1 event per 203 000 years, equivalent to a significance greater
than 5.1σ. The source lies at a luminosity distance of 410þ160

−180 Mpc corresponding to a redshift z ¼ 0.09þ0.03
−0.04 .

In the source frame, the initial black hole masses are 36þ5
−4M⊙ and 29þ4

−4M⊙, and the final black hole mass is
62þ4

−4M⊙, with 3.0þ0.5
−0.5M⊙c2 radiated in gravitational waves. All uncertainties define 90% credible intervals.

These observations demonstrate the existence of binary stellar-mass black hole systems. This is the first direct
detection of gravitational waves and the first observation of a binary black hole merger.

DOI: 10.1103/PhysRevLett.116.061102

I. INTRODUCTION

In 1916, the year after the final formulation of the field
equations of general relativity, Albert Einstein predicted
the existence of gravitational waves. He found that
the linearized weak-field equations had wave solutions:
transverse waves of spatial strain that travel at the speed of
light, generated by time variations of the mass quadrupole
moment of the source [1,2]. Einstein understood that
gravitational-wave amplitudes would be remarkably
small; moreover, until the Chapel Hill conference in
1957 there was significant debate about the physical
reality of gravitational waves [3].
Also in 1916, Schwarzschild published a solution for the

field equations [4] that was later understood to describe a
black hole [5,6], and in 1963 Kerr generalized the solution
to rotating black holes [7]. Starting in the 1970s theoretical
work led to the understanding of black hole quasinormal
modes [8–10], and in the 1990s higher-order post-
Newtonian calculations [11] preceded extensive analytical
studies of relativistic two-body dynamics [12,13]. These
advances, together with numerical relativity breakthroughs
in the past decade [14–16], have enabled modeling of
binary black hole mergers and accurate predictions of
their gravitational waveforms. While numerous black hole
candidates have now been identified through electromag-
netic observations [17–19], black hole mergers have not
previously been observed.

The discovery of the binary pulsar systemPSR B1913þ16
by Hulse and Taylor [20] and subsequent observations of
its energy loss by Taylor and Weisberg [21] demonstrated
the existence of gravitational waves. This discovery,
along with emerging astrophysical understanding [22],
led to the recognition that direct observations of the
amplitude and phase of gravitational waves would enable
studies of additional relativistic systems and provide new
tests of general relativity, especially in the dynamic
strong-field regime.
Experiments to detect gravitational waves began with

Weber and his resonant mass detectors in the 1960s [23],
followed by an international network of cryogenic reso-
nant detectors [24]. Interferometric detectors were first
suggested in the early 1960s [25] and the 1970s [26]. A
study of the noise and performance of such detectors [27],
and further concepts to improve them [28], led to
proposals for long-baseline broadband laser interferome-
ters with the potential for significantly increased sensi-
tivity [29–32]. By the early 2000s, a set of initial detectors
was completed, including TAMA 300 in Japan, GEO 600
in Germany, the Laser Interferometer Gravitational-Wave
Observatory (LIGO) in the United States, and Virgo in
Italy. Combinations of these detectors made joint obser-
vations from 2002 through 2011, setting upper limits on a
variety of gravitational-wave sources while evolving into
a global network. In 2015, Advanced LIGO became the
first of a significantly more sensitive network of advanced
detectors to begin observations [33–36].
A century after the fundamental predictions of Einstein

and Schwarzschild, we report the first direct detection of
gravitational waves and the first direct observation of a
binary black hole system merging to form a single black
hole. Our observations provide unique access to the

*Full author list given at the end of the article.
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t� =
GM

c3

f� =
c3

GM

M. Colpi, A. Sesana Gravitational wave surces

spins of the two interacting bodies.
The merger refers to the phase of ”very late inspiral” and coalescence (no

longer described within the PN formalism). Moving at around one third of
the speed of light, the two bodies experience extreme gravitational fields so
that their dynamics and signal can be described only in the realm of Numerical
Relativity (NR). The merger signal lasts for a shorter time (milliseconds for
stellar origin black holes, minutes for massive black holes) compared to the
inspiral, and in this phase finite-size e↵ects become important for neutron star
mergers, as the stars carry a surface. NR simulations which account for the full
non-linear structure of the Einstein’s equation are highly successful in tracing
the dynamics and the gravitational wave radiation.

The ringdown refers to the phase when the coalescence end-product relaxes
to a new stationary equilibrium solution of the Einstein field equations: a new
black hole for (BH*,BH*) and (NS,BH*) mergers or a hot hyper-massive or
supra-massive neutron star or a black hole for the case of (NS,NS) mergers.
Likewise MBHCs and EMRIs end with the formation of a new black hole. The
emitted radiation can be computed using Perturbation Theory and it consists of
a superposition of quasi-normal modes of the compact object that forms. These
modes carry a unique signature that depend only on the mass and spin in the
case of black holes.105,106

The merger and ringdown parts of the signal last for a short duration, yet
they carry tremendous luminosity. Their inclusion in a matched filter search for
binary systems dramatically increases the distance reach and the accuracy at
which the masses and spins can be measured. The access to the latest stages
gives precious insight into the structure of neutron stars and the EoS at supra-
nuclear densities; and in the case of black holes the possibility of testing gravity
in the genuinely strong-field dynamical sector, and possibly prove the ”no-hair”
conjecture.105,128 The emission of gravitational waves from a binary is a con-
tinuous process and phenomenological models for the merger dynamics have
been developed, the most remarkable among the various approaches being the
E↵ective One Body (EOB) theory and the Phenom models which permits a con-
tinuous description of the three phases, as predicted by general relativity,129–132

including also tidal e↵ects in the case of (NS,NS) coalescences.133

6.1 Description of the inspiral

Binaries are irreversibly driven to coalescence, and the reference frequency of
the gravitational wave at the time of coalescence is

fcoal =
1

(⇡63/2)

c3

GM
(8)

representing twice the Keplerian frequency of a test mass orbiting around a
non-spinning binary black hole of mass M (seen as single unit) at the innermost
stable circular orbit Risco. Neutron stars are so compact that their equilibrium
radii are smaller than Risco for many EoSs and typical masses,19 so that fcoal

represents a reference frequency for coalescing compact objects in general.
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•What is the origin of the supermassive 
black holes and how fast do they grow 

•Do“seed black holes”exist?

The Gravitational Universe
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• LISA
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Fig. 3. Red curve depicts the sensitivity curve of the LISA observatory in its current
design,36 expressed in terms of the strain noise (fSnoise)1/2 as a function of the observer-
frame frequency f . The GW signal from coalescing seed BHs in circular binaries at
selected redshifts is described in terms of the sky and inclination averaged characteristic
strain fh̃(f) (in dimensionless units) inferred using non-precessing waveform models:46

upper solid and dashed lines in blu and light blu colors refer to signals form BBHs with
mass ratio q = 1 and total rest-frame mass MB = 105 M

�

and 104 M
�

, respectively.
The two family of lines refer to BH binaries detected at di↵erent redshift, as indicated
in the inset, from z = 3 up to z = 13. Lower yellow and dark-green solid curves refer
to IMBH binaries with total mass MB = 300M

�

and q = 1; colors are associated to
di↵erent redshifts varying between 0.1 and 2, as indicated in the inset with corresponding
colors. Notice that for each BBH of given mass MB, the frequency at which fh̃(f) is
maximum (i.e. near coalescence) shifts to lower values with increasing redshift due to
cosmic expansion. Seeds of 104 M

�

do not coalesce in the LISA band, and can be
detected during their inspiral phase only, out to very large redshifts. IMBH binaries
with mass of 300M

�

are detectable first in the LISA band, during their slow adiabatic
contraction, and later at the time of coalescence in the LIGO-Virgo band, only if they
are at low redshift z

<
⇠

1 (as also described in Figure 4).

Mobs

chirp

= (1 + z)M source

chirp
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• LISA horizon extends deep into the epoch of formation of the earliest black holes  

• LISA traces the black hole cosmic swift drift to higher masses through accretion & 
mergers -low mass tail of the supermassive black holes 

• spin and mass measurements are carried on with high precision 

MW BH
AGN



cosmic  
high noon

reionization 
epoch 

CONTOUR LINES OF 
CONSTANT SNR

MOCK DATA 

cosmic dawn

GRBs

QSO

Galaxy 

 “seed" 
 black holes

MW BH
AGN



• DOMINATED BY THE DEGENERACY OF 
MODELS 

• REAL HEAVY SEEDS? 
• LIGHT SEEDS (POP III) + ACCRETION? 
• RUNAWAY STELLAR COLLISIONS?

How to interpret this MOCK DATA file ?

ET + LISA can break this degeneracy



 Black Holes in the Cosmological Framework 

   

Valiante  + 2018

Black holes forming in pristine halos and pairing during halo-halo mergers 
“cosmologically-driven mergers” 

NO DELAY is included here

M
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= 1013M�

work in progress
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•mass and spin are modeled by accretion and merger

p
6MBH,initial

p
3/2MBH,initial

• Spin increases  from 0 to 1 after accreting 
(for prograde accretion) 

• Spin decrease from 1 to 0 after accreting 
(for retro-grade accretion) 

• Accretion torques lead to fast                       
re-orientation of BH  (disc-spin alignment ) 

• Isotropic versus coherent accretion shape 
the spins in relation to the environment and 
feeding process 

• Mergers make two coalescing black hole 
spin up to 0.6578

COLPI & SESANA 2016  for a review

SPIN
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end of each accretion episode. Hereon we denote with θBH the
polar angle of ĴBH with ez, i.e., θBH = cos−1(ĴBH · ez). The BH
spin vector can point in all directions, and ĴBH as well as Ĵdisk
are referred to the reference frame of the galaxy defined by ez.

2.3. a, ĴBH, and MBH on a History Path

At the onset of any accretion episode the BH spin vector
JBH is generally misaligned with respect to the direction of the
accretion disk Ĵdisk. In high viscosity α-disks, this configuration
is unstable and evolving into a lower energy state. There is an
early phase in which gravito-magnetic torques exerted by the
spinning BH on disk’s fluid elements cause the disk to warp on
a timescale τwarp (Bardeen & Petterson 1975); the second phase
is the alignment phase, i.e., a change in the orientation of the
BH spin over a longer time.

In the early phase, the spinning BH induces Lense–Thirring
precession of the orbital plane of disk’s fluid elements:
precession of the plane occurs at a frequency ωprec =
(2G/c2)JBH/R3 = (2G/c)aM2

BH/R3, so that fluid elements
closer to the BH precess faster. Close to the BH, their orbital
plane tends to align (or anti-align if counter-rotating) parallel to
the BH spin direction ĴBH, on times shorter at shorter radii, so
that the perturbation diffuses radially outward, on a timescale
τwarp ∼ R2/ν2, where ν2 is the vertical shear viscosity. The
disk is maximally warped at Rwarp, corresponding to the dis-
tance where the warp-diffusion timescale becomes comparable
or shorter than the precession time ω−1

prec:

Rwarp

RG
∼ 4GJBH

ν2c2RG
∼ 500 α

24/35
0.1 f 4/7

ν2
M

4/35
BH,6

(
fEdd

η0.1

)−6/35

a4/7,

(12)

where ν2 ∼ α2csH with α2 ≈ fν2/(2α) (see Lodato & Pringle
2007; Perego09 for details) Rwarp indicates the region in the
inner disk where the fluid elements align or anti-align with ĴBH.
At R ∼ Rwarp the warp timescale is

τwarp ∼ 35 α
72/35
0.1 f −12/7

ν2
M

47/35
BH,6

(
fEdd

η0.1

)−18/35

a5/7 yr. (13)

Since the warp timescale is shorter than the viscous timescale
at all annuli, the deformation diffuses more rapidly outward
than the inward radial drift motion so that the deformed disk
attains an equilibrium profile, and the shape of the perturbation
is stationary (Martin et al. 2007).

The warped disk (in the small deformation approximation) is
described by an equilibrium surface density Σ(R) and a velocity
Ω(R) close to that of an unperturbed Keplerian disk, plus a
deformation in the local angular momentum vector (per unit
surface area) L = L(R)(l̂x , l̂y , l̂z) (with l̂ a unit vector in the
direction of L; see Perego09 for details). Angular momentum
conservation then imposes the spinning BH to precess and align
relative to the total angular momentum Jtot = Jdisk +JBH. During
individual accretion episodes at a rate Ṁ , the BH mass increases
according to

dMBH

dt
= (1 − η)Ṁc2 = (1 − η)

(
fEdd

η

)
MBH

τS
, (14)

with an e-folding timescale

τMBH ∼ ητS

(1 − η)fEdd
∼ 5 × 107 η0.1

(1 − η0.1)fEdd
yr. (15)

The BH angular momentum vector evolves according to

dJBH

dt
= Ṁ

GMBH

c
Λisco l̂(RISCO) +

4πG

c2

∫

disk

L × JBH

R2
dR,

(16)

where the first term in Equation (15) describes the change in
the spin modulus a due to the transfer of angular momentum
per unit mass at the innermost stable circular orbit RISCO (where
Λ(RISCO) is a known dimensionless function of a). Gravito-
magnetic coupling in the inner region of the precessing disk
ensures that the direction of l̂(RISCO) is parallel or anti-parallel
to ĴBH.

The second term of Equation (16) describes the change in
the BH spin orientation which tends to reduce the degree of
misalignment between the disk and the BH spin (Perego09;
Scheuer & Feiler 1996). An intuitive explanation for the
alignment is as follows. The warping of the disk always results
in either an aligned or an anti-aligned inner part of the accretion
disk, due to the BH metric. On the other hand, since the
frequency of the Lense–Thirring precession decreases with
radius, the outer part of the accretion disk can effectively be
considered unperturbed (this corresponds to the Newtonian limit
for the accretion disk), and there exists a region (near the so-
called warp radius) where the local disk angular momentum
unit vector is strongly misaligned both with the spin and disk’s
angular momentum at far distances (in the unperturbed disk). In
other words, gas moving from the unperturbed outer region into
the innermost region modifies its angular momentum direction.
As a consequence, the BH must (at least partially) align with
the direction of the angular momentum of the outer accretion
disk to ensure conservation of the total angular momentum,
and to compensate the “loss/change” of angular momentum
in the warp region. The alignment effect on the BH spin due
to the cumulative torques exerted by a mass distribution does
not necessarily require the presence of viscosity. The same
alignment can be induced (under some conditions) by the spin
orbit interaction between the BH and a rotating stellar cusp
(see Merritt & Vasiliev 2012). Viscosity guarantees alignment
of the inner disk region and thus guarantees the occurrence of
a stationary warp region in the disk causing the torquing of the
BH and in turn spin alignment. From Equation (16), we can
infer an evolution equation for the spin modulus

da

dt
=

[
Λ(RISCO)

η
− 2a

(
1
η

− 1
)]

fEdd

τS
. (17)

Equation (17) shows that changes in the spin modulus a
typically occur on the timescale τspin = a/ȧ comparable to
τMBH (Equation (15)). As shown in Bardeen (1970), a non-
spinning BH (a = 0) is spun up to an extreme Kerr BH (a = 1)
after having accreted a mass

√
6MBH. The timescale of the

alignment process (16) is much shorter. The peak of the torque
perpendicular to the BH spin (that responsible for the evolution
of the spin direction) is maximal at the warp radius (where
the direction of the angular momentum of the gas in the disk
changes). The warp radius is considerably larger than the last
stable orbit, so the angular momentum per unit of mass of the
gas at the warp radius is much larger than that at the ISCO.
As a consequence, the torque exerted onto the BH responsible
for the evolution of its direction is considerably larger than that
responsible for the spin magnitude evolution. Consequently, this
results in a shorter timescale for the spin alignment with respect
to that associated with the spin magnitude evolution.
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end of each accretion episode. Hereon we denote with θBH the
polar angle of ĴBH with ez, i.e., θBH = cos−1(ĴBH · ez). The BH
spin vector can point in all directions, and ĴBH as well as Ĵdisk
are referred to the reference frame of the galaxy defined by ez.

2.3. a, ĴBH, and MBH on a History Path

At the onset of any accretion episode the BH spin vector
JBH is generally misaligned with respect to the direction of the
accretion disk Ĵdisk. In high viscosity α-disks, this configuration
is unstable and evolving into a lower energy state. There is an
early phase in which gravito-magnetic torques exerted by the
spinning BH on disk’s fluid elements cause the disk to warp on
a timescale τwarp (Bardeen & Petterson 1975); the second phase
is the alignment phase, i.e., a change in the orientation of the
BH spin over a longer time.

In the early phase, the spinning BH induces Lense–Thirring
precession of the orbital plane of disk’s fluid elements:
precession of the plane occurs at a frequency ωprec =
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Since the warp timescale is shorter than the viscous timescale
at all annuli, the deformation diffuses more rapidly outward
than the inward radial drift motion so that the deformed disk
attains an equilibrium profile, and the shape of the perturbation
is stationary (Martin et al. 2007).

The warped disk (in the small deformation approximation) is
described by an equilibrium surface density Σ(R) and a velocity
Ω(R) close to that of an unperturbed Keplerian disk, plus a
deformation in the local angular momentum vector (per unit
surface area) L = L(R)(l̂x , l̂y , l̂z) (with l̂ a unit vector in the
direction of L; see Perego09 for details). Angular momentum
conservation then imposes the spinning BH to precess and align
relative to the total angular momentum Jtot = Jdisk +JBH. During
individual accretion episodes at a rate Ṁ , the BH mass increases
according to
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where the first term in Equation (15) describes the change in
the spin modulus a due to the transfer of angular momentum
per unit mass at the innermost stable circular orbit RISCO (where
Λ(RISCO) is a known dimensionless function of a). Gravito-
magnetic coupling in the inner region of the precessing disk
ensures that the direction of l̂(RISCO) is parallel or anti-parallel
to ĴBH.

The second term of Equation (16) describes the change in
the BH spin orientation which tends to reduce the degree of
misalignment between the disk and the BH spin (Perego09;
Scheuer & Feiler 1996). An intuitive explanation for the
alignment is as follows. The warping of the disk always results
in either an aligned or an anti-aligned inner part of the accretion
disk, due to the BH metric. On the other hand, since the
frequency of the Lense–Thirring precession decreases with
radius, the outer part of the accretion disk can effectively be
considered unperturbed (this corresponds to the Newtonian limit
for the accretion disk), and there exists a region (near the so-
called warp radius) where the local disk angular momentum
unit vector is strongly misaligned both with the spin and disk’s
angular momentum at far distances (in the unperturbed disk). In
other words, gas moving from the unperturbed outer region into
the innermost region modifies its angular momentum direction.
As a consequence, the BH must (at least partially) align with
the direction of the angular momentum of the outer accretion
disk to ensure conservation of the total angular momentum,
and to compensate the “loss/change” of angular momentum
in the warp region. The alignment effect on the BH spin due
to the cumulative torques exerted by a mass distribution does
not necessarily require the presence of viscosity. The same
alignment can be induced (under some conditions) by the spin
orbit interaction between the BH and a rotating stellar cusp
(see Merritt & Vasiliev 2012). Viscosity guarantees alignment
of the inner disk region and thus guarantees the occurrence of
a stationary warp region in the disk causing the torquing of the
BH and in turn spin alignment. From Equation (16), we can
infer an evolution equation for the spin modulus
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Equation (17) shows that changes in the spin modulus a
typically occur on the timescale τspin = a/ȧ comparable to
τMBH (Equation (15)). As shown in Bardeen (1970), a non-
spinning BH (a = 0) is spun up to an extreme Kerr BH (a = 1)
after having accreted a mass

√
6MBH. The timescale of the

alignment process (16) is much shorter. The peak of the torque
perpendicular to the BH spin (that responsible for the evolution
of the spin direction) is maximal at the warp radius (where
the direction of the angular momentum of the gas in the disk
changes). The warp radius is considerably larger than the last
stable orbit, so the angular momentum per unit of mass of the
gas at the warp radius is much larger than that at the ISCO.
As a consequence, the torque exerted onto the BH responsible
for the evolution of its direction is considerably larger than that
responsible for the spin magnitude evolution. Consequently, this
results in a shorter timescale for the spin alignment with respect
to that associated with the spin magnitude evolution.
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Figure 1. Full three-dimensional surface rendering of the small inclination simulation. The whole disk was initially inclined at 10◦ to the hole with no warp. This
snapshot is after approximately 500 dynamical times at the inner edge of the disk (50 Rg).
(A color version of this figure is available in the online journal.)

Figure 2. Full three-dimensional surface rendering of the large inclination simulation. The whole disk was initially inclined at 60◦ to the hole with no warp. This
snapshot is after approximately 500 dynamical times at the inner edge of the disk (50 Rg).
(A color version of this figure is available in the online journal.)

However, the numerical method used there assumed that the gas
always remained on circular orbits, evolving purely by viscous
diffusion. This was appropriate for the problem studied there,
namely, whether such a relatively orderly disk could break at

all, given the nonlinear evolution of the viscosity predicted
by Ogilvie (1999). This Letter studies a dynamical problem,
where the inclination of disk orbits can change so rapidly that
viscous diffusion of gas in circular rings is no longer an adequate
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Equations (14) and (16) are integrated considering initial BH
masses of MBH,0 = 105 M⊙, and arbitrary initial spin moduli
(a0) and orientations; fEdd which enters all timescales can be
considered a scaling parameter so that smaller values of fEdd
imply longer times. In the calculation we fix fEdd = 0.1.
According to Equation (16), if the disk angular momentum
contributes most to Jtot, the BH spin–disk orientation angle
ζBH,disk = cos−1(ĴBH · Ĵdisk) reduces to zero (i.e., full alignment
even starting with ζBH,disk = 180◦) on a timescale

τal ∼ 105α
58/35
0.1 f −5/7

ν2
M

−2/35
BH,6

(
fEdd

η0.1

)−32/35

a5/7yr (18)

(Martin et al. 2007; Lodato & Pringle 2006; Perego09). The
timescales τwarp and τal depend on a and MBH explicitly, and the
following inequalities hold

τwarp < τal < τacc < τMBH ∼ τspin. (19)

In our study, we integrate the BH spin evolution equation over
timesteps δt that are τwarp < δt < τal tracing contemporarily the
change in a, ĴBH, and MBH. We note that as τspin > τal, the spin
orientation changes rapidly with time, so that we can exclude
the possibility that retrograde accretion reduces a to 0 before
re-increasing it to 1. The rapid change in ĴBH compared to the
change in a favors conditions of prograde accretion episodes,
even starting from retrograde conditions.

The progressive increase in MBH during accretion episodes
with constant mdisk = mcloud (when MBH > Mcrit

BH) implies the
formation of an accretion disk with mdisk/MBH always decreas-
ing. Thus, the disks that form during single accretion episodes
are progressively smaller and carry less angular momentum
relative to the BH. Under these circumstances and depending
on a, the dimensionless ratio Jdisk/JBH ! 1, and the gravito-
magnetic BH–disk coupling has little influence on the BH spin
direction. At even larger masses (already in the regime where
Jdisk/JBH < 1) the warp radius Rwarp may rise above "Rdisk de-
pending on a, and Equation (16) becomes invalid (Martin et al.
2007). This transition occurs when MBH,6 > M

warp
BH,6, where

M
warp
BH,6 ≈ 10

(
mcloud

104 M⊙

)35/82

α
−1/41
0.1 a−25/82

(
fEdd

η0.1

)−17/82

.

(20)
Under these circumstances, we assume that in any single event
JBH aligns instantaneously to the direction of the total angular
momentum Jtot (King et al. 2005). The re-orientation of JBH is
rather small, since in this regime the BH spin is quite close
to the total angular momentum already at the beginning of
every individual accretion episode (Jtot is in fact dominated
by JBH). Jdisk instead undergoes a fast and significant re-
orientation, and is either aligned or anti-aligned with respect
to JBH depending on the initial angle of relative misalignment
(ζBH,disk) and the Jdisk/JBH ratio. The two angular momenta
are aligned if cos(ζBH,disk) > −Jdisk/2JBH (or counter-aligned
when the opposite inequality holds; King et al. 2005; Lodato
& Pringle 2006). The BH mass and spin parameter are then
evolved according to Equations (14) and (17).

To summarize, our procedure leads to the following sequence.

1. The disk mass is the minimum between the cloud mass
and the self-gravitating mass, mdisk = min(mcloud,msg).
The transition between the two phases occurs when the BH
mass reaches the value Mcrit

BH,6 given by Equation (7); then
the disk contains the whole cloud mass.

Figure 2. Ratio between the total angular momentum of the accretion disk
Jdisk and the BH spin JBH, as a function of the BH mass MBH, along an
accretion history. The upper left panel refers to the isotropic case (F = 0.5)
with a maximum mass per accretion event mcloud = 104 M⊙. The results in
the upper right, lower left, and lower right panels assume mcloud = 105 M⊙
and F = 0.5, 0.25, and 0, respectively. Three regimes exist, MBH,6 < Mcrit

BH,6,
Mcrit

BH,6 < MBH,6 < M
warp
BH,6, and MBH,6 > M

warp
BH,6. The knee at low BH masses

shows the transition between the first and the second regime. The second
transition is highlighted by the shaded vertical area (see the text for details).
(A color version of this figure is available in the online journal.)

2. Up until MBH,6 < M
warp
BH,6, we follow the spin–disk align-

ment as a function of time by solving for Equation (16).
Here, Mwarp

BH,6 is given by Equation (20). Above this mass the
disk is assumed to be aligned or anti-aligned with the an-
gular momentum of the BH, depending on the initial angle
of relative misalignment.

Therefore, three regimes exist, MBH,6 < Mcrit
BH,6; Mcrit

BH,6 <

MBH,6 < M
warp
BH,6; and MBH,6 > M

warp
BH,6. While the switch between

the first and second regimes depends only on the properties of
the gas fueling the BH, the switch between the second and
third regimes depends also on the BH spin, and this threshold
mass, therefore, depends on the whole growth history of the
BH, i.e., how it gained its spin. We anticipate that, regardless
of the regime, the important parameter that determines BH spin
evolution is the ratio Jdisk/JBH, as previously discussed.

3. RESULTS

Figure 2 shows the evolution of the ratio between Jdisk and
JBH as a function of the BH mass, for accretion histories that
differ in the value of mcloud and of the anisotropy parameter F.

As discussed in the previous section, we can distinguish an
early phase (I) during which the accretion disks carry a large
angular momentum, and a second phase (II) where the opposite
holds. During phase I, the disks are initially truncated by their
own self-gravity and their mass is determined by the BH mass.
As the BH grows in mass, the disks carry the cloud mass mcloud.
This transition occurs at Mcrit

BH and is visible as a knee in the
Jdisk/JBH versus BH mass diagram. During phase II, disks are
tiny (Rwarp > Rdisk) and there is the switch between the two
prescriptions for the BH spin evolution. This occurs around a few

5
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Figure 5. Evolution of the BH spin magnitude a as a function of MBH, for the
isotropic case (F = 0.5). The upper (lower) panel refers to accretion episodes
with mcloud = 105 M⊙ (104 M⊙). The black line refers to the mean over 500
realizations. The red and orange shaded areas enclose intervals at 1σ and 2σ
deviations, respectively.
(A color version of this figure is available in the online journal.)

In summary, we show that for small BH masses (MBH !
107 M⊙) the BH spin always aligns to the disk angular momen-
tum in every single accretion episode and can be substantially
misaligned relatively to the average of the angular momenta of
the disks. For MBH " 107 M⊙, a single accretion episode does
not modify significantly the BH spin direction. In this regime,
the BH spin aligns with the average direction of the angular mo-
mentum of the accreting material, with a degree of alignment
that increases with increasing anisotropy in the fueling process.

3.2. Evolution of the BH Spin Magnitude a

In this section, we focus on the evolution of the spin
magnitude a considering for the first time its coupling with
the orientation ĴBH and with the dynamical properties of the
accretion.

Figure 5 shows the evolution of the BH spin a as a function
of its mass, for the isotropic case and two different values
of mcloud. The memory of the initial spin is erased after the
BH accretes a few times its initial mass (MBH,0 = 104 M⊙),
and a rises attaining values ≈0.9 during phase I. The large
spin is a consequence of the rapid alignment induced by the
Bardeen–Petterson effect that occurs on a timescale τal <
τacc < τspin turning initially retrograde accretion into prograde
accretion before disk consumption. Later, i.e., for larger BH
masses, the spin drops to lower values, down to a ≈ 0,
for MBH " 109 M⊙. The beginning of the spin decrease
corresponds to the transition between phases I and II that occurs
at different BH masses, depending on the value of mcloud, as
shown in the figure. The parameter that controls this transition
is Jdisk/JBH: smaller clouds carry lower angular momenta and
the transition between phases I and II occurs at smaller BH
masses. The spin modulus decreases because over a single
accretion episode ĴBH does not change significantly. Retrograde
accretion episodes remain retrograde over the disk consumption
timescale, so that, for isotropic fueling, the probability of having
a prograde accretion events is exactly the same of having a
retrograde one. Because the location of the ISCO is farther

Figure 6. Evolution of the BH spin magnitude a as a function of MBH, assuming
mcloud = 105 M⊙. The upper left, upper right, lower left, and lower right panels
refer to F = 0.5, 0.25, 0.125, and 0, respectively. The color code is as in
Figure 5.
(A color version of this figure is available in the online journal.)

away, and therefore the accreted material carries a larger specific
angular momentum, retrograde accretion transfers more angular
momentum per unit mass than prograde accretion, isotropic
fueling results in net spin-down and thus low spins (e.g., King
& Pringle 2006).

Figure 6 shows the spin evolution for different value of the
anisotropy parameter F = 0.5, 0.25, 0.125, 0 (with mcloud =
105 M⊙). The early phase (I) is similar in all the cases. Rapid
BH–disk alignment results in a ≈ 0.9. At the transition between
phases I and II, the spin always decays, because at this transition
the BH–disk alignment is only partial, and retrograde accretion
is possible for a significant fraction of the time that elapses
during each accretion event. By contrast, the value of the BH
spin at large masses (MBH " 109 M⊙) is strongly dependent on
the degree of anisotropy. For F = 0.25, large BHs carry spins
with a ≈ 0.45, and this asymptotic value of a increases with
decreasing F. For F = 0, i.e., the highest degree of anisotropy
described here, a → 1. This is a consequence of the stability
of the spin direction (discussed in Section 3.1). For highly
anisotropic cases, the massive BHs tend to align their spins with
the average angular momentum of the gas reservoir, resulting
in a higher fraction of prograde accretion events. Thus, we can
correlate the spin of the large BHs with the dynamics of the
fueling mechanism.

Figure 7 shows the distribution of the BH spin in different
mass intervals, assuming F = 0 and mcloud = 105 M⊙.
Here, we emphasize that the highest spins are attained at the
largest BH masses. The distribution corresponding to 109 M⊙ <
MBH < 109.5 M⊙ peaks at a ≈ 0.997. This may have important
implications on the efficiency at which these BHs can accrete,
on the statistics of very massive BHs, and on the possibility of
launching jets (e.g., Tchekhovskoy & McKinney 2012). A large
degree of anisotropy (F = 0) is the only way to get maximally
rotating BHs at the high mass end.
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ejection of the bulk of the sBHs [37], the only (few) remaining isolated BH can grow

by tidally disrupting stars and by gas accretion [38] sparking its growth to become an

IMBH.

Heavy seeds refer instead to IMBHs of about 104�5 M� resulting from the monolithic

collapse of massive gas clouds, forming in metal-free halos with virial temperatures

Tvir
>⇠104 K, which happen to be exposed to an intense H2 photo-dissociating ultraviolet

flux [36, 39, 40, 41, 42]. These gas clouds do not fragment and condense in a single

massive proto-star which is constantly fueled by an influx of gas that let the proto-star

to grow large and massive. Then, the star contracts sizably and my form a quasi-star

[43], or it may encounter the GR instability that leads the whole star to collapse directly

into a BH. Heavy seeds might also form in major gas-rich galaxy mergers over a wider

range of redshifts, as mergers trigger massive nuclear inflows [44]. Figure 1 is a cartoon

summarizing the current knowledge of BHs in our Universe, and the link that may exist

between sBHs and SMBHs, which is established by seed BHs along the course of cosmic

evolution.

The seeds of the first SMBHs are still elusive to the most instruments that exist

today, preventing us to set constraints on their nature. Seed BHs are necessarily

a transient population of objects and inferring their initial mass function and spin

distribution from observations is possible only if they can be detected either through EM

or GW observations at very high z, as high as ⇠ 20 (even z ⇠ 40 as discussed recently).

Since according to GR BHs of any flavor captured in binaries are loud sources of GWs

at the time of their merging, unveiling seeds and MBHs through cosmic ages via their

GW emission at coalescence would provide unique and invaluable information on the

BH genesis and evolution. The Gravitational Wave Universe is the universe we can sense

using GWs as messengers [45, 46]. In this universe, binary BHs are key sources carrying

invaluable information on their masses, spins and luminosity distance that are encoded

in the GW signal. There is one key condition that needs to be fulfilled: that the BHs

we aim at detecting pair and form a binary with GW coalescence time smaller that the

Hubble time, possibly close to the redshift of their formation. This condition, enabling

the detection of seeds at very high redshifts, is extremely challenging to be fulfilled. BHs

in binaries form ”large”. Thus, Nature has to provide additional dissipative processes

leading to the contraction of the BH binary down to the scale where GWs drive the

inspiral. This requires a strong coupling of the two BHs with the environment, before

and after forming a binary system. Understanding this coupling is a current challenge

in contemporary astrophysics, cosmology and computational physics[47].

2. Binary Black Holes: the di�culty of pairing

Due to the weakness of gravity, BH binary inspiral driven by gravitational wave emission

occurs on a timescale
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Figure 1. Distance between the BHs for different runs (refer
to Table 1). The shortest timescales for the orbit of the sec-
ondary BH to fall under the one-pc scale separation from the
central BH are observed in the adiabatic runs (top panel).
Almost all the other runs that include gas cooling lead to
prolonged, if present, orbital decay. The exception is run
CSFSN (bottom panel), in which an encounter between the
secondary BH and an overdense region of gas caused a rela-
tively short decay time. Run CSFSNBF was stopped before
60 Myr due to computational limitations.

can result, and indeed almost always occurs in our simu-
lations (Figures 4 and 5). The overall effect is to induce
a stochastic behaviour of the orbital separation as op-
posed to the smooth behaviour in the non-fragmenting,
adiabatic case (Figure 1).
The diffuse background gas is also affected by torques,

which produce a global inward flux of mass and make
the CND more centrally concentrated. This reflects the
nature of self-gravity, which can be described by an effec-
tive viscosity acting throughout the disk even in absence
of fragmentation (Lin & Pringle 1987).
In run NAC (see Table 1), within 10 Myr, the inner

25-pc region goes from enclosing less than 20% of the
total mass of the disk and being smooth to having more
than 50% of the total disk mass in 3 clumps, one of
about 3.19×107 M⊙ enclosing the primary BH, another
one of about 1.88 × 107 M⊙ (heavier than the primary
BH itself) at a distance of about 8 pc center to center
(each have a radius larger than 1.5 pc), and the third
one of about 6.7× 106 M⊙, still much heavier than the
secondary BH, with respective densities ∼1.5× 108, 5×

Figure 2. Gas density face-on projection and secondary
BH’s trajectory (white lines) for the adiabatic run NAAD
(see Table 1) at different times. A scale bar on the top left
panel shows the size in pc. The colour code represents the
disk density integrated along the z-axis (perpendicular to
the disk plane), which rotates counter-clockwise in this per-
spective. Trajectories are shown for time intervals between
snapshots. On the top left panel, we see a leading spiral
wake caused by the BH near an apocenter as a perturbation
to the disk density. On the top right panel, a trailing wake
is captured near a pericenter. The net effect of the wakes
over a few orbits is to circularize the orbit. The lower left
panel shows a resonant interaction between the BH and the
gas as the orbit becomes circular. After circularizing, the gas
extracts its angular momentum and the separation shrinks
in a relatively short timescale, as clearly captured on the
bottom right panel. The interplay between perturber and
background is analogous to results found in the literature
for planet migration.

107, and 107 amu cm−3 (during this time, the secondary
BH is always outside this inner region; see Figure 1).
Figure 6 shows the distribution of clump masses at dif-

ferent times (0.5–5 Myr) normalized to the mass of the
secondary BH, which is almost constant during this time
range in the runs shown in the figure (NAC, CSFSN, and
CSFSNBF; see Table 1). In run NAC, especially after 3–
5 Myr, there are more than 10 clumps with masses from
commensurate to ten times more massive than the sec-
ondary BH. As discussed in Fiacconi et al. (2013) and
Roškar et al. (2015), clumps with masses comparable to
or larger than the mass of the secondary BH can have a
dramatic effect on the latter, with direct hits or even re-
peated softer perturbations. At the same time, Figure 6
shows that most of the clumps have masses about the
same or less than the secondary BH, namely close to or
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•fragmentation from inside out occurs on a timescale smaller  than the orbital 
decay time  

•dense gaseous clumps form, interact, merge to form fewer and larger clump, 
and migrate to the centre 

•clumps can have masses comparable or larger than the black hole masses 
•high density contrast leading to a completely different dynamics
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appreciably change the time required to reach (sub-)pc scales,
because this is dominated by a second decay phase.

After circularization occurs, indeed, dynamical friction by
the background CND, as described in the conventional local-
“wake” approach of Chandrasekhar (1943) and Ostriker
(1999), becomes weak because the secondary BH has
negligible velocity relative to the gaseous background (but
not relative to the stellar bulge, which would still exert a drag).
Instead, another regime ensues in which spiral density waves
are triggered by the secondary BH and back-react by draining
its orbital energy and angular momentum. This migration
regime is analogous to Type I and Type III migration in planet
formation and leads to a faster orbital decay compared to the
dynamical friction phase (Mayer 2013). This is characterized
by fast extraction of angular momentum from the BH. The
negative torques experienced by it have been shown to be
associated with two mechanisms, namely the excitation of
density waves in the disk near the Lindblad resonances, and the
torques from the gas co-orbiting with the BH. The latter co-
orbital torques are stronger and cause fast inward migration, as
highlighted by the fast steepening of the angular momentum
evolution curve in Figure 11 (see Mayer 2013 for torque
analysis in a similar case). The short timescale associated with
this second stage of the migration process likely explains the
absence of an evident gap-opening: the secondary BH simply

does not have time to develop a gap in regions where the
conditions would allow it because it traverses those too
quickly, as thoroughly studied and discussed in Malik et al.
(2015) for massive planets and brown dwarfs in protostellar
disks.

3.1.2. Effects of Cooling

We now proceed to study the outcome of the radiative-
cooling runs. Cooling, even in the absence of metals, is fast at
the high densities of the CND. In particular, it occurs on a
timescale faster than the local orbital time (which is on order of
1 Myr at the half-mass–radius of the disk). This leads to rapid
fragmentation into clumps, as is well-studied and established in
the literature on self-gravitating disks (see e.g., Gammie 2001;
Durisen et al. 2007). The transition to a clumpy disk regime is
abrupt in the absence of any heating and/or star formation,
taking place in only 0.3Myr—a fraction of the time it takes the
secondary BH to complete the first orbit (see Figures 3 and 4).
At this stage, the disk enters a gravo-turbulent regime in which
collisions and tidal interactions between cold clumps occur, as
well as torquing by strong spiral density waves (Figure 3).
Clumps typically gravitationally scatter each other, but can also
merge into heavier clumps, which can cause even stronger
perturbations on the secondary BH. Ejection of the secondary
BH from the disk plane can result—indeed, it almost always
occurs in our simulations (Figures 4 and 5). The overall effect

Figure 2. Gas density face-on projection and secondary BH’s trajectory (white
lines) for the adiabatic run NAAD (see Table 1) at different times. A scale bar
on the top left panel shows the size in pc. The color code represents the disk
density integrated along the z-axis (perpendicular to the disk plane), which
rotates counter-clockwise in this perspective. Trajectories are shown for time
intervals between snapshots. In the top left panel, we see a leading spiral wake
caused by the BH near an apocenter as a perturbation to the disk density. In the
top right panel, a trailing wake is captured near a pericenter. The net effect of
the wakes over a few orbits is to circularize the orbit. The lower left panel
shows a resonant interaction between the BH and the gas as the orbit becomes
circular. After circularizing, the gas extracts its angular momentum and the
separation shrinks in a relatively short timescale, as clearly captured on the
bottom right panel. The interplay between perturber and background is
analogous to results found in the literature for planet migration.

Figure 3. Gas density face-on projection and secondary BH’s trajectory for run
C (see Table 1), similar to Figure 2. Notice the change of the scale and the
surface density limits in contrast with that figure. The left and right upper
panels show, respectively, the initial state of the gas and the fragmentation
happening in the central regions of the disk. From the bottom left panel, we
notice that the fragmentation timescale is fairly smaller than the timescale for
the secondary BH to complete one orbit. As time elapses, many gaseous
clumps are formed and interact with each other, scattering and combining to
form fewer larger clumps. The environmental differences along the BH path, in
comparison to the adiabatic runs, are enormous. This leads to a completely
different interplay between the gas disk and the BH, as the latter moves through
a more contrasted density background.
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107, and 107 amu cm−3 (during this time, the secondary
BH is always outside this inner region; see Figure 1).
Figure 6 shows the distribution of clump masses at dif-

ferent times (0.5–5 Myr) normalized to the mass of the
secondary BH, which is almost constant during this time
range in the runs shown in the figure (NAC, CSFSN, and
CSFSNBF; see Table 1). In run NAC, especially after 3–
5 Myr, there are more than 10 clumps with masses from
commensurate to ten times more massive than the sec-
ondary BH. As discussed in Fiacconi et al. (2013) and
Roškar et al. (2015), clumps with masses comparable to
or larger than the mass of the secondary BH can have a
dramatic effect on the latter, with direct hits or even re-
peated softer perturbations. At the same time, Figure 6
shows that most of the clumps have masses about the
same or less than the secondary BH, namely close to or
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Figure 9. Under construction: Snapshots of log density from
hydrodynamical simulations for a disk withM = 20, and constant
coe�cient of kinematic viscosity ⌫ = 0.01a20⌦bin/M2.

of Figure 10 is for 10 times higher viscosity than the fidu-
cial case. The second column is for 40 times larger viscosity
and the final column is for the same ⇥40 viscosity and a disk
which is twice as hot as the fiducial case. The rows delineate
the choice of sink radius. Note that the bottom-right panel
has nearly identical parameters as the simulation found in
(Farris et al. 2014), the di↵erence being the choice of inner
boundary condition and a constant (here) vs ↵-law viscos-
ity prescription (We could redo all simulations for alpha law
viscosity and di↵ ICs). As expected, we find that the higher
viscosity disks have smaller, more dense gaps. Decreasing
the Mach number (increasing disk temperature) increases
pressure forces in the disk which also results in a smaller,
more dense cavity. The e↵ect of a larger sink radius is to cre-
ate a less dense cavity, this is apparent in the last column
of Figure 10, where the higher Mach number and viscos-
ity have begun to fill in the cavity. Additionally, increasing
the disk temperature increases the scale-length of density
waves which results in a more spread out circumprimary-
disk which, for the hotter disk, resembles more of a spiral
than a compact mini-disk. Hence a hotter accretion flow
su↵ers more overflow into the cavity but harbors a more
dispersed circumprimary-disk.

The mini-disks in Farris et al. (2014) are less prevalent
than the mini-disks we find for our fiducial disk parame-
ters. This could be due to the hotter disks of Farris et al.
(2014) spreading out the mini-disk as mentioned above or
if it could be a result of the cavity initial conditions (ICs)
used in Farris et al. (2014). If the unstable horseshoe region
for a q = 0.05 mass ratio binary does not allow gas to flow
across the binary into an orbit around the primary, then one
might expect a smaller circumprimary-disk. To test wether
the existence of a circumprimary-disk is dependent on ICs,
we run a simulation with the same binary+disk parameters
as the bottom right panel of Figure 10, but for two di↵er-
ent ICs, an initial cavity around the binary (identical to the
density IC in D’Orazio et al. (2013)), and an initial con-
stant surface density disk. Up to an overall density scaling,
we find nearly identical results. This means that the tran-
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Figure 10. Log density for a mass ratio near the transition from
ring to cavity. The rows di↵erentiate the size of the sink radius
and the columns vary the Mach number and viscosity as labeled.
The density scale is the same in each panel.

sition to a cavity found in (Farris et al. 2014) where the
ICs are an initial cavity is not set by the inability of gas to
to flow across horseshoe orbits and generate an inner disk,
but is more directly linked to disk parameters, especially the
Mach number.

We observe that, while the properties of the mini-disks
depend on Mach number, viscosity, and sink radius, they are
independent of whether the ICs initially immerse the binary
in gas or if the gas di↵uses in from an initial cavity config-
uration. Additionally, we find that for larger viscosities the
cavity elongation mechanism is damped and the gap struc-
ture becomes more symmetric, however, the gap does not
revert completely to an annular shape. Hence, the transition
mass ratio is not shifted greatly by large viscous and pres-
sure forces. We conclude that gap morphology most strongly
depends on the binary mass ratio and thus the dynamics of
the R3B while its depth and elongation can be altered by
pressure and viscosity.

4 CONCLUSION

The R3B problem captures the salient features of gap mor-
phology and provides an explanation for the transition from
annular-gaps at small mass ratios to central-cavities for
larger mass ratio binaries. We find that the transition can
be explained from the restriction of particles in the R3B
to inner and outer parts of the disk via the conservation
of the Jacobi constant. The transition mass ratio occurs at
q ⇠ 0.04 and is coincident with the loss of stable horseshoe
orbits.

To estimate the e↵ects of pressure in the disk we com-
pare the Jacobi constant with the closely related Bernoulli
constant and derive a maximum disk temperature (mini-
mumMach number) for which a gap or cavity will form. This
zero-viscosity gap closing condition matches the prediction
of ?? in the limit of small binary mass ratio where it is de-
rived. For larger mass ratios the two predictions diverge. We
test our prediction (4) with inviscid hydrodynamical simu-
lations of an equal mass binary and find good agreement.

The e↵ects of both viscosity and pressure on the annu-
lus to cavity transition are studied via 2D viscous hydro-
dynamical simulations. These show that the results of the
R3B analysis hold for low viscosity, cold disks, and that the
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sition to a cavity found in (Farris et al. 2014) where the
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to flow across horseshoe orbits and generate an inner disk,
but is more directly linked to disk parameters, especially the
Mach number.

We observe that, while the properties of the mini-disks
depend on Mach number, viscosity, and sink radius, they are
independent of whether the ICs initially immerse the binary
in gas or if the gas di↵uses in from an initial cavity config-
uration. Additionally, we find that for larger viscosities the
cavity elongation mechanism is damped and the gap struc-
ture becomes more symmetric, however, the gap does not
revert completely to an annular shape. Hence, the transition
mass ratio is not shifted greatly by large viscous and pres-
sure forces. We conclude that gap morphology most strongly
depends on the binary mass ratio and thus the dynamics of
the R3B while its depth and elongation can be altered by
pressure and viscosity.

4 CONCLUSION

The R3B problem captures the salient features of gap mor-
phology and provides an explanation for the transition from
annular-gaps at small mass ratios to central-cavities for
larger mass ratio binaries. We find that the transition can
be explained from the restriction of particles in the R3B
to inner and outer parts of the disk via the conservation
of the Jacobi constant. The transition mass ratio occurs at
q ⇠ 0.04 and is coincident with the loss of stable horseshoe
orbits.

To estimate the e↵ects of pressure in the disk we com-
pare the Jacobi constant with the closely related Bernoulli
constant and derive a maximum disk temperature (mini-
mumMach number) for which a gap or cavity will form. This
zero-viscosity gap closing condition matches the prediction
of ?? in the limit of small binary mass ratio where it is de-
rived. For larger mass ratios the two predictions diverge. We
test our prediction (4) with inviscid hydrodynamical simu-
lations of an equal mass binary and find good agreement.

The e↵ects of both viscosity and pressure on the annu-
lus to cavity transition are studied via 2D viscous hydro-
dynamical simulations. These show that the results of the
R3B analysis hold for low viscosity, cold disks, and that the
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Fig. 10 Residence time |a/ȧ| of equal-mass black hole binaries, embedded in a steady circum-
binary disc, as a function of the black hole separation (in units of 2Gm•,t/c2), as computed
in (?) for a reference disc model. The top x-axis label refers to the Keplerian relative orbital
velocity of the black holes in the binaries. The four curves correspond to binaries with total
masses of m•,t = 103, 105, 107 and 109 M� as labeled. The large dots denote the critical radius
beyond which the assumed circum-binary Keplerian disc is unstable to fragmentation. Simi-
larly, triangles denote radii beyond which the disc may be susceptible to ionisation instabilities
(the gas temperature falls below 104 K). In each case, blue/red colors indicate whether the
disc mass enclosed within the binarys orbit is larger/smaller than the black hole mass m•,2.
The dotted/dashed/solid portion of each curve indicates the outer/middle/inner disc region.
Note that in the disc-dominated regime (blu segments) the binary residence time is ⇠ 109

yrs, while it decreases below ⇠ 107 yrs for all binaries, i.e. independent of their mass, at the
entrance in the stable region of a circum-binary disc (red dots). Courtesy of (?).

evolution (see also figure 6 of (?)). Despite these studies, we are nonetheless far from
having a reliable estimate of the migration timescale in circum-binary discs under a
variety of conditions, given the rich physics involved.6

Gap opening and/or maintenence of the inner cavity around massive black holes
have been seen in numerous numerical simulations of both Keplerian and self-gravitating
circum-binary discs (?????). But interestingly, recent 2D and 3D simulations have
demonstrated that the binary+disc system contains as many as three discs and that
these discs may persist being constantly fed by gas flowing through the gap. The three

6 As an example, in recent studies of planet migration by (?) it has been shown, using highly
accurate numerical calculations, that the actual migration rate is dependent on disc and planet
parameters, and can be significantly larger or smaller than the viscous drift rate ⌧

�1
⌫ . In the

case of disc-dominated migration the rate saturates to a constant value which is in excess of
the viscous rate while in the opposite regime of a low-mass disc, the migration rate decreases
linearly with disc mass.



electromagnetic counterparts
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Figure 1. The joint performance of a GW and X-ray observatory The
median angular resolution (in deg2) of LISA for observations of SMBHBs
(assuming equal masses; green contours), EMRIs (assuming a low-mass
compact object of 10M�; red contours) and the Athena integration time
(grey scale; contours are logarithmically spaced in integration time) for
detectability of a at a given source-frame total mass The grey contours are
(in log scale) the integration time needed by Athena to observe a source at a
given mass and redshift.

Figure 2. The joint performance of a GW and X-ray observatory Same
as figure 2, but now considering the top 10% of the LISA detected sources.

i) a M = 106
M� at z = 1, ii) a M = 105

M� at z = 7. For the sake of
the discussion, we make the following simple assumptions:

• the merging binary emits at its Eddington limit, with bolometric
luminosity L = 1.4⇥1044

M6erg s�1, where M6 = M/106
M�;

• ⇡ 10% of the emission is in the X-ray band, i.e., L

X

⇡ 1⇥
1043

M6erg s�1;
• a generic 1.5 bolometric correction for observations in opti-

cal/infrared;
• a radio luminosity based on the triggering of a powerful radio

jet of Ljet ⇡ 1043
M6erg s�1 at GHz frequencies.

These assumptions translate in the observables detailed in table 1.
We refer the reader to Section 5 of ? for further discussion about the
modelling of the emission and the conversion into magnitudes and
fluxes.

In order to explore the possibility of join GW and X-ray obser-
vations, we estimate the performance of LISA using the extensive
set of numerical simulations carried out in the GOAT study FIXME:
are they public? we need reference. For the X-ray capabilities we
do consider a specific design, but use numbers that are consistent
with next generation spatially-resolved X-ray spectroscopy and deep
wide-field X-ray spectral imaging instruments, of the ATHENA
class (or beyond).

Deep ALMA follow- up observa ons of high-redshi X-ray AGN
will probe the cold dust component and obscured SFRs via sub- mm
spa ally resolved con nuum measurements, as well as molecular gas
mass and dynamics using the [CII] 158 ?m line.

2 ALBERTO SESANA NOTES

2.1 supermassive black hole binaries

The scope here is to investigate whether Athena has the potential
to identify any counterpart of a LISA event, from accretion onto
a point-like source to diffuse emission of the potential structure in
which the merger event took place. Results are shown in the total
mass-redshift plane, assuming equal mass binaries.

First we need to compute the typical sky localization of LISA
sources on this plane. We proceed as follows. Using the extensive
set of simulations from Klein et al. 2016, we derive the following
scaling between median S/N and sky localization error DW

DW ⇡ 0.5deg2 r�7/4
3 , (2)

where r3 = r/103 is the normalized S/N. Note that this is the
median value and the dispersion around the median is an order
of magnitude. The DW µ r�2 scaling is not accurately recovered
because higher S/N sources are usually more massive binaries that
spend a shorter time in band, making it more difficult to break
degeneracy between parameters (NOTE TO SELF: check the scaling
in small chunk of masses, it shoulg go as r�2).

With a scaling in hand, we compute the sky-inclination-
polarization averaged S/N for an equal MBHB on a grid of masses
and redshifts, using the latest LISA sensitivity curve and PhenomC
waveforms for non-spinning, circular binaries, and we assign each
point in the grid a median sky localization given by Eq. (6). Contours
are shown in yellow-green scales in Fig. 3

For the point-like counterpart emission, we then assume:

• the merging binary emits at its Eddington limit, with bolometric
luminosity L = 1.4⇥1044

M6erg s�1, where M6 = M/106
M�;

• ⇡ 10% of the emission is in the X-ray band, i.e., L

X

⇡ 1⇥
1043

M6erg s�1;
• the X-ray emission is distributed in the 0.5-10 keV band ac-

cording to a power law F(E) µ E

�0.7 (F is flux, E is energy), taken
from the average spectrum of quasars;
• we consider different level of obscuration, correcting the flux

according to F(E) µ exp(N
h

⇤s(E)) ⇤E

�a erg/cm2/s/keV. N

h

=
1021,1022,1023,1024 cm�2 is the column density, and s(E) is the
energy dependent absorption cross section (REF). Obscuration does
not impact the results unless N

h

> 1023;

For the Athena WFI detector we assume:

• 0.4 deg2 field of view;
• a flux limit sensitivity (for a 5s detection) of

3�17(T/1Ms)�1/2 erg/cm2/s, where T is the integration time and
the expression has been normalized to 1Ms.

MNRAS 000, 1–5 (2018)

• DUAL AGN (NGC6240) 

• BINARY AGN long search for and still under search 

• EM-counterpart @ coalescence -kseconds prior merging 

⇢3 �� > SNR = 103

�1 = 0.7 �2 = 0.9
105 � 105 106 � 106 107 � 107 108 � 108

106 � 105 107 � 106 108 � 107 107 � 105



• The gravitational universe promises many new discoveries 

• New way of observing black holes: binary and GW signal 

• Study of the EM signature of a binary coalescence events 

• Search for strategies to recognize these transient events 

• Search for synergies with Athen 

• … please join the effort  

• ………… please join the effort in understanding the 
dynamics critical for assessing the rate and the binary black 
holes mass spectrum 

Summary



• black hole dynamics is a very complex problem 

• presence of a massive stellar cusp leads to swift 
coalescence      (z-dependent? wait until z~4-5?) 

• presence of large inflows of gas produce scatter in the 
delay times    

• setting the “clock” is both a cosmological and local 
problem 

• it is still difficult to quantify the level of broadening of the 
time delay distribution in the formation of ET-LISA 
coalescing binary black holes: 10 Myrs - 4 Gyrs 

take home message



• ANCILLARY SLIDES



• Clock:  time “zero”  

70x70 kpc box

Capelo+2014

1:4 merger between  
two disc galaxies 

gas fraction 30%

 portrait of an isolated gas-rich major (1:4) merger

6 Pedro R. Capelo et al.

1 2 First pericentre 3 4 First apocentre

5 6 Second pericentre

End of the stochastic stage

7 Second apocentre 8 Third apocentre

9

End of the merger stage

10 11 12

End of the remnant stage

Figure 3. Stellar (red) and gas (blue) density snapshots (viewed face-on) at representative times of the 1:4 coplanar, prograde–prograde
merger: (1) 0.20, (2) 0.30 (first pericentric passage), (3) 0.39, (4) 0.61 (first apocentric passage), (5) 0.88, (6) 0.97 (second pericentric
passage – end of the stochastic stage), (7) 1.05 (second apocentric passage), (8) 1.17 (third apocentric passage), (9) 1.24 (end of the
merger stage), (10) 1.56, (11) 1.89, and (12) 2.21 Gyr (end of the remnant stage), respectively. We have run the simulations long enough
to capture the re-establishment of quiescence after the merger: note how the galaxy in the final snapshot is a normal-looking disc galaxy.
The primary (secondary) galaxy starts the parabolic orbit on the left (right) of the first snapshot, moving right- (left-) wards. In order
to make the gas more visible, gas density was over-emphasized with respect to stellar density. Each image’s size is 70× 70 kpc.

region has formed, with its radius oscillating between ∼60
and ∼140 pc with the same temporal period of the BH ac-
cretion. When the cavity reaches its maximum radius, the
BH accretion is at its minimum, and vice versa. We believe
that this is a clear case of BH self-regulation (‘breathing’),
in which the BHs follow periodic stages of feeding and feed-
back.

In the third panel of Figs 1 and 2, we show the SF
rate (SFR) for three spherical regions centred around the
BH (of radii 0.1, 1, and 10 kpc, respectively), and the total
SFR of the entire system. SFR is evaluated every 1 Myr,
but here we show its average over the same time intervals as
those of gas mass and specific angular momentum, which are
evaluated every 5 Myr. Central SFR (<100 pc) around the
BH follows a similar behaviour to that of BH accretion rate,
staying at low levels at all times except during the ∼300 Myr
that follow the second pericentric passage. During this time,
central SFR around the secondary BH can increase by more

than three orders of magnitude from its previous levels and
account for almost the totality of the SFR in the system.
The increase in SFR around the primary BH is much more
modest, but in both cases it happens at the same time of the
BH accretion rate increase. During the final stage, when the
two BHs are at a mutual distance of !10 pc, central SFR
is higher than during the first stage. Also, SFR around the
primary BH is more ‘centralized’: the SFR in the central kpc
comprises most of the SFR of the inner 10 kpc, as opposed to
during the first stage. The link between BH accretion and SF
is at the same time simple (both processes feed off the same
reservoir of gas) and complex (the exact correlation between
them is still highly debated). In a separate paper (Volonteri
et al. 2014, submitted), we present a detailed study on this
topic.

In the fourth panel, we show the amount of gas mass in
three spherical regions (of radii 0.1, 1, and 10 kpc, respec-

c⃝ 0000 RAS, MNRAS 000, 000–000
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• black hole dynamics is a very complex problem 

• presence of a massive stellar cusp leads to swift 
coalescence      (z-dependent? wait until z~4-5?) 

• presence of large inflows of gas produce scatter in the 
delay times    

• setting the “clock” is both a cosmological and local 
problem 

• it is still difficult to quantify the level of broadening of the 
time delay distribution in the formation of ET-LISA 
coalescing binary black holes: 10 Myrs - 4 Gyrs 

take home message
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 portrait of a cosmological merger

M
halo

⇠ 1013 M� @ z = 0

M1,⇤ ⇠ 3.6⇥ 1010 M�

M2,⇤ ⇠ 1010 M�

SMBH Coalescence in Cosmological Galaxy Mergers 3

Figure 1. Group environment of the galaxy merger. The left panel shows a mock UVJ map of the galaxy group at z = 3.6. The white
circle marks the virial radius of the group halo, while the green circles mark the merging galaxies. The upper-right and lower-right panels
show a zoom-in on the central galaxy of the group and the interacting companion, respectively. Lengths are in physical coordinates.

Figure 2. From left to right: time evolution of the galaxy merger after the beginning of the re-sampled, higher-resolution simulation.
Each panel shows a mock UVJ photometric image of the merger, and the red and blue dots mark the position of the primary and secondary
BH, respectively. Lengths are in physical coordinates.

to them. The orbital decay is governed by dynamical
friction of the stellar cusps against the stellar, gas and
dark matter background originating from the merger of
the two hosts.
During the final stage of the merger (i.e. at t ≈ 20 Myr

after the particle splitting) the merger remnant is gas
poor (gas fraction ∼ 5%) owing to gas consumption by
SF. Stars dominate the enclosed mass out to ∼ 3 kpc
and provide the dominant contribution to the dynamical
friction exerted by the background. Figure 4 shows the
mass distribution of the individual components when the
separation of the two SMBHs reaches about 300 pc, i.e.
≈ 21.5 Myr after the particle splitting. The stellar mass

is almost 2 orders of magnitude larger than the gas one
over all spatial scales except in the central 10 pc, where
the difference is about a factor of 20.
Then, we extract a spherical region of 5 kpc at t ∼

21.5 Myr after particle splitting around the more massive
SMBH to initialize a direct N -body simulation contain-
ing in total ∼ 6 × 106 particles. We treat the remaining
gas particles in the selected volume as stars, since they
are sub-dominant in mass. Almost the entire stellar mass
is within 5 kpc, so an artificial cut-off at 5 kpc shall not
introduce significant changes in stellar mass profile in the
inner region for follow up evolution. However, at trun-
cation separation, the dark matter has a steeply rising

• first ab initio simulation of a galaxy group  @ z=3.5 from Argo cosmological simulation  

• identification of the two main spirals undergoing a major merger (1:3.6 mass ratio) on a 
nearly parabolic orbit with co-rotating stellar discs inclined by 67 degrees 

• gas fractions of about 10%  

• splitting  procedure to attain a force resolution of 5 pc - Direct N-Body code                                                                                                                                            
(mass resolution 6000 gas,10,000 stars, 100,000 dark matter) 

mBH
1 = 108 M�

mBH
2 = 3⇥ 107 M�
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Figure 1. Group environment of the galaxy merger. The left panel shows a mock UVJ map of the galaxy group at z = 3.6. The white
circle marks the virial radius of the group halo, while the green circles mark the merging galaxies. The upper-right and lower-right panels
show a zoom-in on the central galaxy of the group and the interacting companion, respectively. Lengths are in physical coordinates.

Figure 2. From left to right: time evolution of the galaxy merger after the beginning of the re-sampled, higher-resolution simulation.
Each panel shows a mock UVJ photometric image of the merger, and the red and blue dots mark the position of the primary and secondary
BH, respectively. Lengths are in physical coordinates.

to them. The orbital decay is governed by dynamical
friction of the stellar cusps against the stellar, gas and
dark matter background originating from the merger of
the two hosts.
During the final stage of the merger (i.e. at t ≈ 20 Myr

after the particle splitting) the merger remnant is gas
poor (gas fraction ∼ 5%) owing to gas consumption by
SF. Stars dominate the enclosed mass out to ∼ 3 kpc
and provide the dominant contribution to the dynamical
friction exerted by the background. Figure 4 shows the
mass distribution of the individual components when the
separation of the two SMBHs reaches about 300 pc, i.e.
≈ 21.5 Myr after the particle splitting. The stellar mass

is almost 2 orders of magnitude larger than the gas one
over all spatial scales except in the central 10 pc, where
the difference is about a factor of 20.
Then, we extract a spherical region of 5 kpc at t ∼

21.5 Myr after particle splitting around the more massive
SMBH to initialize a direct N -body simulation contain-
ing in total ∼ 6 × 106 particles. We treat the remaining
gas particles in the selected volume as stars, since they
are sub-dominant in mass. Almost the entire stellar mass
is within 5 kpc, so an artificial cut-off at 5 kpc shall not
introduce significant changes in stellar mass profile in the
inner region for follow up evolution. However, at trun-
cation separation, the dark matter has a steeply rising

 II. (a) pairing phase

effective black hole mass enhanced by an episode of star formation 

• gas inflows in the inner 500 pc from 
cosmological streams  are conducive 
to  intense bursts of star formation 
around the secondary black hole 

• the black holes are surrounded by  a 
stellar cusp which enhances their 
“effective mass”- the orbital decay 
is governed by dynamical friction of 
the stellar cusps



• nuclear inflows of gas and episodes of star formation in the vicinity  
of the black holes are instrumental in creating the conditions for 
rapid pairing as they enhance the effective mass of the black hole 
and thus the dynamical friction drag 

• provide the reservoir of stars for the slingshot mechanism to 
become effective in the triaxial potential of the new galaxy 

• stars are “key players” for the merger to stay on clock with the 
“help” of gas: having a higher degree of dissipation/ability to 
loose angular momentum gaseous stream lead to formation of 
stellar cusps 

• just a single simulation with “massive” black holes 

Take home message


