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• Possible Kilonovae in short GRBs: 
e.g., GRB 050709, 060505, 060614, 080905A, 
130603B, 150101B, 160821B, 200522A 

• Possible Kilonovae in long GRBs: 
e.g., GRB 190109A, 211211A, 230307A 

• Possible Supernovae in short GRBs: 
e.g., GRB 040924, 200826A

Kilonova candidates in GRBs 
(No spectroscopic confirmation except one)

The short-long classification seems 
controversial. 
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Key question: what are the details and diversity 
of neutron star mergers?
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No jet? Jet? Jet? No jet?

Key question: what are the details and diversity 
of neutron star mergers?
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Dark Kilonova Dim Kilonova Bright Kilonova Super-Kilonova 
Superluminous Super-kilonova …

Key question: what are the details and diversity 
of neutron star mergers?
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Variation in Abundance pattern
10 R-process Nucleosynthesis

Fig. 6 Abundances for the equal-mass (left) and unequal-mass neutron star mergers (right) adopted from Fujibayashi et al. (2023a).
The neutron masses for the former and the latter are, respectively, (1.35, 1.35) M� and (1.20, 1.50) M�. The thin-blue, thin-red, and
thick-gray curves indicates the dynamical, post-merger, and total ejecta, respectively. The solar r-process residuals (Prantzos et al.,
2020) are also shown for comparison purposes, which are scaled to match the that of 153Eu for the total abundance of each panel.

measurement of the 244Pu abundance on the sea floor (Wallner et al., 2015). The measured flux is much lower than the value expected from
the equilibrium value, pointing to that the time separation between two r-process events is longer than the half-live of 244Pu. This result
again indicates that r-process events are rarer than core-collapse supernovae.

4 Possible sites of r-process

Despite progress in understanding the physical conditions necessary for the r-process, the astrophysical origins of r-process elements remain
a mystery. Unraveling these origins requires not only elucidating the physical conditions of ejected material of astrophysical phenomena
but also understanding the event rates and the amounts of r-process elements produced by each event. Here, we review possible production
sites proposed in the literature.

4.1 Neutron star merger
The ejecta of binary neutron star mergers and black hole-neutron star mergers are ideal sites of r-process nucleosynthesis because the ejecta
are naturally expected to be neutron rich. The first idea leading to this scenario, the decomposition of initially cold neutron-star material,
was proposed by Lattimer and Schramm (1974). Numerical simulations of neutron star mergers have shown that neutron-rich material is
indeed ejected during the merger and post-merger phase.

4.1.1 Dynamical ejecta

A substantial amount of mass up to approximately 0.01M� is dynamically ejected during the merger of neutron stars (Rosswog et al., 1999).
Strong shocks form at the interface between the merging neutron stars, driving mass ejection. In addition, some material can be ejected
through tidal interactions. These two components are referred to as shocked and tidal components, respectively. The ejecta mass depends
on the masses of neutron star and the nuclear equations of state (Hotokezaka et al., 2013; Bauswein et al., 2013). For example, the ejecta
mass can be as large as ⇠ 0.01M� in the case that a short-lived hypermassive neutron star forms. On the contrary, in the case that a black
hole forms immediately after merger, the ejecta mass is much smaller unless the mass asymmetry of a binary is high enough to produce a
large amount of tidal ejecta.

For black hole–neutron star mergers, dynamical mass ejection occurs only through tidal disruption. The amount of ejecta depends on the
mass ratio, spin of the black hole, and neutron star radius because the condition whether or not tidal disruption occurs outside the inner most
stable circular orbit depends on these quantities (Foucart et al., 2013; Kyutoku et al., 2015). For example, in the case that the dimensionless
spin parameter of a black hole is as large as ⇠ 0.5 aligned with the orbit and the neutron radius is ⇠ 12 km, the mass ejection with & 0.01M�
occurs if the mass ratio is ⇠ 3. However, the mass ejection is significantly reduced if the mass ratio becomes larger, e.g., ⇠ 7. Since the
tidal ejecta of black hole–neutron star merges are very neutron rich (Ye ⇠ 0.05), only heavy r-process nuclei (A > 100) are produced. The
multiple fission recycling may lead to actinide boost with high Th/Eu ratios (Wanajo et al., 2022).

The electron fractions of shocked ejecta can vary up to ⇠ 0.5. More tidal ejecta are produced for unequal-mass neutron star mergers.
The electron fraction of the tidal component is usually low, around Ye < 0.1, which leads to relatively a high Th/Eu ratio (Fujibayashi et
al., 2023a). Combining the two components, the electron fractions are widely distributed in the range of Ye ⇠ 0.05–0.5 (e.g. Sekiguchi
et al., 2015; Radice et al., 2018; Kullmann et al., 2023; Kiuchi et al., 2023). For the mergers with nearly equal neutron-star masses, the

Fujibayashi+23
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Figure 8. Nucleosynthesis yields for the DD2 @ = 1.77 (solid blue) and
BLh @ = 1.49 (dashed orange lines) simulations at grid resolution SR as
obtained from kNECNN . Top: results considering all times of ejection. Bottom:
considering dynamical ejecta only. The vertical shaded regions highlight the
position of the A-process peaks, while the vertical gray, dashed line shows the
position of the � = 56 isotopes. Solar abundances are shown as reference.

panels of Fig. 9: for the BLh binary, the ejecta mass are lower and
A-processes are more suppressed for \ & 30�.

Previous work identified the V-decay of free neutrons as the source
of an early blue kN peak (Metzger et al. 2015; Combi & Siegel 2023;
Magistrelli et al. 2024b). For the simulations presented here, we
exclude this process is the cause of the blue peak. Appendix A reports
on further kNECNN simulations in which the heating rate associated
to free neutrons were switched off but the precursor is persistent
in the light curves. Further, the free neutron abundancies after the
nucleosynthesis is slightly larger for the BLh binary than for the DD2
binary (cf. left-right panels of Fig. 7), while the blue peak is larger
for DD2, as stated above.

Finally, the fast tails of the dynamical ejecta are expected to gen-
erate synchrotron radiation as the ejecta remnant interacts with the
surrounding interstellar medium (ISM), e.g. (Nakar & Piran 2011;
Hajela et al. 2022). As an illustration, we compute the radio light
curves using the analytical model of Sadeh et al. (2022). The ejecta
is modeled by a broken power law profile composed of a shallow
bulk component and a steeper fast tail component,

<ej = <0

(
(G/G0)

�Bft
G > G0

(G/G0)
�BkN 0.1  G  G0

, (2)

where G = W(E1)E1/2 and W(E1) the Lorentz factor. Optimal fitting
parameters for DD2 (BLh) binary are G0 = 0.201, <0 = 7.69⇥10�4,
Bft = 4.24 and BkN = 1 (G0 = 0.444, <0 = 1.15 ⇥ 10�4, Bft = 6.97
and BkN = 1). The differences in these fits reflect the rather different

velocity profiles of the binaries, see the bottom right panel of Fig. 6.
In particular, the DD2 profile has a less steep fast tail extending at
larger velocities than the BLh.

Light curves at 1.4 GHz are then computed from a 1D forward-
reverse shock model of the ejecta, by using fiducial values of n4 =
0.1 and n⌫ = 0.01 for the conversion efficiencies of the internal
energy of the shock to the energy of the accelerated electrons and
amplified magnetic field, ? = 2.15 the spectral index of the non-
thermal electrons, and ISM density =ISM = 0.001 cm�3 (or the more
optimistic =ISM = 0.01 cm�2). The results are shown in Fig. 11. The
non-thermal flux increases in time until the reverse shock propagates
to the bulk of the ejecta; after the peak the velocity is subrelativistic
and the model approaches the Sedov-Taylor self-similar solution.

According to the employed model and using the conservative
=ISM = 0.001 cm�3 (solid lines), the BLh afterglow flux density
peaks at ⇠6 years postmerger (�a peak ⇡ 0.97` Jy). The DD2 after-
glow is relatively dimmer (�a peak ⇡ 0.3`Jy) and peaks at ⇠30 years
postmerger. A more optimistic value =ISM = 0.01 cm�2 (dashed
lines), increases the peak fluxes to a few `Jy and shifts them to
earlier postmerger times of ⇠3 and ⇠14 years respectively for BLh
and DD2. These signals might be detectable with radio facilities like
VLA, Aperitif, ASKAP, MeerKAT, and SKA, in particular if the
source is well localized by a coincident gravitational-wave detec-
tion e.g. (Hotokezaka et al. 2016; Dobie et al. 2021). Previous work
on comparable masses BNSM identified the origin of these counter-
parts as due to the fast tails generated at the collisional shock between
the stars (Metzger et al. 2015; Hotokezaka et al. 2018; Radice et al.
2018). Here, fast tails are instead mostly generated by tidal torque.
Hence, mass asymmetry in combination with the EOS dependence
further enriches the phenomenology of kN afterglows (Nedora et al.
2021a).

5.2 Gravitational waves

Gravitational wave (GW) observations offer the unique opportunity
to unambiguously identify the merger remnant and thus establish the
connection between possible electromagnetic counterparts and their
central engine. The detection of GWs from the remnant, in particular,
appears possible with third-generation detectors (Breschi et al. 2022).

Figure 12 and 13 show the three dominant multipoles of the GWs
radiated by the two binaries. In each figure, from top to bottom, the
black lines show the amplitude and real part 3 of the ✓< = 22, 33, 21
multipoles. The red line shows the modes’ frequency. The postmerger
signal is characterized at early times by the 22 emission from the NS
remnant at a peak frequency of 522 ' 2.5 kHz for the DD2 binary
and 522 ' 3.5 kHz for the BLh binary. The latter frequency is higher
because the remnant is more compact. Other significant emission
channels are the 33 mode with an amplitude of about an order of
magnitude smaller than the 22 and a frequency 533 ⇠ 3/2 522, and
the 21 mode with an even smaller amplitude but a lower frequency
521 ⇠ 1/2 522.

Most of the GW energy is radiated up to times C � Cmrg . 20 ms
(Bernuzzi et al. 2016). After these times the merger dynamics
are driven by the viscous processes discussed above rather than
gravitational-wave backreaction. During the viscous phase, the one-
armed (< = 1) spiral motion of the remnant generates a weak but

3 We use geometric units ⌧ = 2 = M� = 1 for the GW strain and recall
that ⌘ := ⌘+ � 8⌘⇥ = ⇡�1

L
Õ

✓< ⌘✓< (C )�2.✓< ( ], k) , where the extrinsic
properties of the source are incorporated in the luminosity distance ⇡L and
via the spin-weighted spherical harmonics �2.✓< (sky position).

MNRAS 000, 1–15 (2024)
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Magistrelli et al. 2024b). For the simulations presented here, we
exclude this process is the cause of the blue peak. Appendix A reports
on further kNECNN simulations in which the heating rate associated
to free neutrons were switched off but the precursor is persistent
in the light curves. Further, the free neutron abundancies after the
nucleosynthesis is slightly larger for the BLh binary than for the DD2
binary (cf. left-right panels of Fig. 7), while the blue peak is larger
for DD2, as stated above.
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erate synchrotron radiation as the ejecta remnant interacts with the
surrounding interstellar medium (ISM), e.g. (Nakar & Piran 2011;
Hajela et al. 2022). As an illustration, we compute the radio light
curves using the analytical model of Sadeh et al. (2022). The ejecta
is modeled by a broken power law profile composed of a shallow
bulk component and a steeper fast tail component,
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0.1 and n⌫ = 0.01 for the conversion efficiencies of the internal
energy of the shock to the energy of the accelerated electrons and
amplified magnetic field, ? = 2.15 the spectral index of the non-
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optimistic =ISM = 0.01 cm�2). The results are shown in Fig. 11. The
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• The abundance pattern of post-merger 

outflow is sensitive to the remnant 
neutron star’s lifetime. 

• 4He is often most abundant.



Outline

• Kilonova modeling and AT2017gfo in GW170817 

• JWST observation of a kilonova after GRB 230307A 

• Conclusion



Neutron Star Merger & Kilonova 
Li & Paczynski 98, Kulkarni 05, Metzger+10, Barnes & Kasen 13, Tanaka & KH 13

Merger Post-merger R-process 
nucleosynthesis

Radioactive decay

Photospheric 
(optically thick)

Nebular 
(thin)

t=0            0<t<100ms               ~<1s                     1day              > 10day 
   
10km        10-100km                 < 0.1Rsun               10AU              >100AU

Absorption lines Emission lines 

Mass ejection: 
A few % Msun 

~0.1c - 0.8c



Kilonova AT2017gfo in GW170817
 

 

Extended Data Figure 4 | AT 2017gfo evolves faster than any known 

supernova, contributing to its classification as a kilonova. We compare our 

w-band data of AT 2017gfo (red; arrows denote 5σ non-detection upper limits 

reported by others55,56) to r-band templates of common supernova types (types Ia 

and Ib/c normalized to peaks of −19 and −18 mag respectively)50,51, to r-band 

data of two rapidly-evolving supernovae52,53 (SN 2002bj and SN 2010X) and to 

R-band data of the drop from the plateau of the prototypical type IIP supernova54 

SN 1999em (dashed line; shifted by one magnitude for clarity). 
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Arcavi+17, see also, Coulter+17, Lipunov+17, Soares-Santos+17, Tanvir+17, Valenti+17, 
Kasliwal+17,Drout+17, Evans+17, Utsumi+17 

• Kilonova are much fainter and evolve much faster than supernovae. 
• GW observations greatly help to find kilonovae.



Energy source: radioactive decay of many species 
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This is a unique properties of the heating rates of many beta-
decay chains.
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Energy source: radioactive decay of many species 
KH, Sari, Piran 2017 also Metzger + 10, Korobkin+11, Goriely+11, 
Roberts+11, Wanajo+14,18, Lippuner & Roberts 14, more



Observed Light curve & β-decay
β-decay of r-process

• The light curve follows the radioactive heating of r-process nuclei. 
• 0.05Msun of r-process is needed to explain the kilonova AT2017gfo.



Early photospheric phase
β-decay of r-process

• The peak time is <1 day, suggesting a low opacity < 1 cm2/g

Photosphere

Diffusion sphere



Late photospheric phase
β-decay of r-process

Photosphere

Diffusion sphere

• The peak time is <1 day, suggesting a low opacity < 1 cm2/g 
• The diffusion phase lasts for ~ 10 days, a high opacity ~ 10 cm2/g



Efforts on kilonova modeling

Kilonova radiation

GR(RM)HD inputs Nuclear inputs Atomic inputs
Ejecta properties Abundances 

Heating rates
Energy levels, gf-values 
Collision cross sections

• Multi-D 
• Elements ID 
• LTE, non-LTE

Kilonova observations
Photomertic & Spectroscopic

Stellar observations
R-process abundances 
nIR absorption lines

Watson+19, Gillaners+21,24, ,Domoto+21,22,24, Sneppen+23, 
Rahmouni+25, Pognan+25, Salma’s talk

Kasen+13,17,Barnes & Kasen 13,Tanaka & KH 
13, Tanaka+18,20, Gaigalas+19, Banerjee+20,22, 
Fontes+20, Gillaners+22, Da Silva+22, 
Mulholland+24,  McCann+25,

Zhu+18,21, Wu+19, 
Barnes+21, Bulla 23, 
Jabobi+24, Ricigliano+24

Tanaka, KH+14, Perego+17, Wollaeger+18,21, Bulla+19,21, Breschi+21, 
Korobkin+21, Darbha+21, Collins+23,24, Shrestha+23, Sneppen+23, 
Shingles+24

KH+21, 22, Pognan+22, Ricigliano+25, Blanka’ talk

Shibata+17, Radice+18, Miller+19, 
Combi & Siegel 23, Fahlman & 
Fernandez 22, Haddai+23,Just+23, 
Fujibayashi+23, Kiuchi+24, 
Schianchi+24, Rosswog+25

Albino, Eleonora’s talks Rebecca,Sebastein, 
Jan’s talks Ricardo Matteo’s talks, Jorge’s poster



Beyond LTE: Color

nIR looks okay

Lines: simulation, points: observation

Lack of optical flux in simulation

Kawaguchi+22

Optical is △



Kawaguchi+22
Brethauer+24

LTE simulations but neutral ions are artificially removed. 
The color evolution can match the observed data.

Beyond LTE: Color



Stellar atmosphere

Atmosphere  
(line forming region)

Nuclear burning  
(heat source)

 photosphere

Kilonova

line forming  
region
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The material even in the line forming region is radioactive. 
So you cannot put quiet atmosphere on top of the photosphere.

LTE  (Saha equilibrium) is usually valid. LTE  (Saha equilibrium) may be strongly violated.

Radioactivity everywhere in Kilonova



Impact of radioactive ionization

Very preliminary

• Overioniation: The non-LTE 
abundances deviate from 
the LTE ones particularly for 
v>0.2c. 

• Radiation transfer simulation 
is still on-going but this may 
significantly change the 
kilonova color and spectrum. 

• I will come back to the 
hardest part in the 
calculation at the end of the 
talk. 
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Sr II case

The 0.8μm feature is interpreted as Sr II by Watson+19. 
However, He I can produce a similar feature (Pergo+22, Tarumi, KH+23).

He I caseTarumi, KH+23

The 0.8 μm feature: He I and Sr II lines



The 0.8 μm feature: He I and Sr II lines

The 0.8μm feature is interpreted as Sr II by Watson+19. 
However, He I can produce a similar feature (Pergo+22, Tarumi, KH+23).

Sneppen+24 show that the He line gets 
too strong with time. 

• Sr II is likely to dominate at early times 
(<2.4 days) 

• He I significantly contributes at later 
(>2.4 days), even a mass fraction of 1% 



Nebular phase
β-decay of r-process

• Most photons created by atoms emerge without being absorbed. 
• But, fainter than the photospheric phase.

Photosphere



KH + 23, where the ejecta is assumed to be optically thin at ~10 days.

- The solar abundance (2nd - 3rd r-process peaks) is assumed. X+1 = X+2 = 0.5 
- [Te III] 2.1μm is the strongest M1 line. 

Kilonova Nebular Spectrum (~10 days post merger)



[Te III]2.1μm line in the kilonova 
AT2017gfo

KH+23

• The Te III line is expected to be the strongest M1 line because it is a 
second r-process peak element.

Te

Roederer +22
[Te III] 2.1μm

Terese’s talk



Outline

• Kilonova modeling and AT2017gfo in GW170817 

• JWST observation of a kilonova after GRB 230307A 

• Conclusion



An extremely bright GRB 230307A

Fig. 1 The high energy properties of GRB 230307A. The left panel shows the light curve of the
GRB at 64 ms time resolution with the Fermi/GBM. The shaded region indicates the region where
saturation may be an issue. The burst begins very hard, with the count rate dominated by photons
in the hardest (100-900 keV) band, but rapidly softens, with the count rate in the hard band being
progressively overtaken by softer bands (e.g. 8-25 keV and 25-100 keV) beyond ⇠ 20s. This strong
hard-to-soft evolution is reminiscent of GRB 211211A [20] and is caused by the motion of two spectral
breaks through the �-ray regime (see Methods). The right panel shows the X-ray light curves of GRBs
from the Swift X-ray telescope. These have been divided by the prompt fluence of the burst, which
broadly scales with the X-ray light curve luminosity, resulting in a modest spread of afterglows. The
greyscale background represents the ensemble of long GRBs. GRB 230307A is an extreme outlier of
the > 1000 Swift-GRBs, with an extremely faint afterglow for the brightness of its prompt emission.
Other merger GRBs from long bursts occupy a similar region of parameter space. This suggests the
prompt to afterglow fluence could be a valuable tool in distinguishing long GRBs from mergers and
those from supernovae.
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Fig. 6 The distribution of measure fluence from the Fermi/GBM catalogue [105]. The solid line
shows an expected slope of �3/2 for a uniform distribution. The faint end deviates from this line
because of incompleteness. At the brighter end, there are three bursts which appear to be extremely
rare, GRB 130427A, GRB 221009A [52] and GRB 230307A. To indicate the apparent rarity we also
plot lines representing the expected frequency of events under the assumption of a �3/2 slope. We
would expect to observe bursts akin to GRB 230307A only once per several decades.
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• T90 ~ 35 s : Typical long GRB. 
• The 2nd brightest GRB. 
• LIGO/Virgo/KAGRA were not in operation.

Levan,..,KH+23GRB 230307A



Remarks on GRB 230307A

• The 1st JWST observation of a kilonova candidate. 

• One of the nearest GRBs but the afterglow was very 
faint. 

• A long GRB associated with a kilonova candidate.



GRB 230307A: JWST NIRCam Image

Fig. 2 JWST images of GRB 230307A at 28.5 days post burst. The upper panel shows the wide field
image combining the F115W, F150W and F444W images. The putative host is the bright face-on
spiral galaxy, while the afterglow appears at a 30-arcsecond o↵set, within the white box. The lower
panel shows cut-outs of the NIRCAM data around the GRB afterglow location. The source is faint
and barely detected in the bluer bands but very bright and well detected in the red. In the red bands,
a faint galaxy is present northeast of the transient position. This galaxy has a redshift of z = 3.87,
but we consider it to be a background object unrelated to the GRB (see Supplementary Information).

11

Levan,..,KH+23

40 kpc

•The most probable host ~ 300Mpc, large off-set ~ 40 kpc 
•The large off-set rules out the collapsar scenario.



GRB 230307A and JWST photometry
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Fig. 13 Multi-wavelength light curves and model predictions. Markers in the figure show the
observed flux density at the position of GRB 230307A in various bands (see legend in the left-hand
panel) and at various times. Downward-facing triangles represent upper limits. The optical and near
infrared flux densities are multiplied by the numbers reported in the legend for presentation pur-
poses. The butterfly-shaped filled regions in the right-hand panel encompass flux densities consistent
at one, two and three sigma (progressively lighter shades) with the Swift/XRT and Chandra detec-
tions in the 0.3-10 keV band, according to our analysis and adopting a uniform prior on the flux.
Solid lines of the corresponding colours show the predicted light curves (left-hand panel) and spectra
(right-hand panel) of our afterglow (forward shock only) plus kilonova model at the central frequen-
cies of the bands. Dashed lines single out the contribution of the kilonova.
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Levan,..KH+23 

Kilonova 
JWST

Jet

Afterglow+Kilonova light curve Afterglow+Kilonova SED

•The light curve is very similar to AT2017gfo (GW170817). 
•This supports a neutron star merger scenario.



JWST Spectrum of the KN candidate 230307A

Fig. 3 JWST/NIRSpec spectroscopy of the counterpart of GRB 230307A taken on 5 April 2023.
The top panel shows the 2-D spectrum rectified to a common wavelength scale. The transient is well
detected beyond 2 microns but not short ward, indicative of an extremely red source. Emission lines
from the nearby galaxy at z = 3.87 can also be seen o↵set from the afterglow trace. The lower panel
shows the 1D extraction of the spectrum in comparison with the latest (10-day) AT2017gfo epoch
and di↵erent kilonova models. A clear emission feature can be seen at ⇠ 2.15 microns at both 29
and 61 days. This feature is consistent with the expected location of [Te III], while redder features
are compatible with lines from [Se III] and [W III]. This line is also clearly visible in the late time
spectrum of AT2017gfo [37, 42]

12

Levan,..,KH+23, see also Gillanders+23

• An emission line feature around 2.1 μm is consistent with [Te III] 2.1μm. 
• If correct, M(Te III)=10-3Msun  and vexp =0.08c. 
• The total r-process mass ~ 0.05Msun. (~ GW170817) 

T~670K

GRB 230307A
AT2017gfo



A mysterious IR bump (5μm)
• The IR bump  (5μm) and 2.1 um emission require two 

temperatures, electrons: ~2000K and IR photons: ~700K.  
• Curiously, a similar IR bump was detected by Spitzer at 45 

days in GW170817. 



• Actinide optical property, which we haven’t understood? 
• R-process dust?

SN 1987A (Wooden+1993)
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Fig. 2. Best four-parameter x2 fits of the three-component IR continuum model {upper solid line) to the set of continuum points {gray error bars). 

{a-e) The hot component is given by the long-dashed line, the free-bound ( with edges ) and free-free H i continuum is given by the dotted lines, and the dust 
continuum is given by the heavy solid line. The dust continuum from all five epochs is shown in (/) and demonstrates the dichotomy in the temporal 
evolution between the early-time (60 and 260 days) and late-time (615 and 775 days) dust spectral energy distribution. At 615 days there is more flux at 
shorter wavelengths than expected from the decline in the dust continuum at the first two epochs. Note that the flux scales differ by an order of magnitude in 
the different panels. References for the data shown in Fig. 2 are given in Table 3. 
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SN 1987A (Wooden+1993)

Dust

• The IR bump  (5μm) and 2.1 um emission require two 
temperatures, electrons: ~2000K and IR photons: ~700K.  

• Curiously, a similar IR bump was detected by Spitzer at 45 
days in GW170817. 

A mysterious IR bump (5μm)



Conclusion
• The P-Cygni line features in AT2017gfo are attributed to Sr II 

or He I. He I may contribute significantly at later times. 

• An emission line feature at 2.1μm is consistent with [Te III] 
2.1μm. Te is a second r-process peak element. 

• The optical-IR emission of the long GRB 230307A (1-30 
days ) is strikingly similar to the kilonova AT2017gfo.  

• An emission line in the JWST spectrum around 2.1μm may 
be [Te III]. 

• A mysterious IR bump peaking at 5μm suggests a missing 
IR opacity, which may be actinides or r-process dust.



Expected rate within 100 Mpc

The merger hypothesis of r-process: 0.7 yr-1 

Galactic binary pulsars: 2+1-1 yr-1

Short GRBs (θjet~10o): 0.5+0.5-0.3 yr-1

GWTC3: 0.05 - 8 yr-1 (90% level)

(e.g., KH et al., 18)

(Abbott et al., 2021)

(e.g., Kim et al., 15, Pol et al 19)

(e.g., Wanderman & Piran 14, see also Ghirlanda et al., 16)

see, Mandel & Broekgaarden 22 for a review.


