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Uses:		from	extrac3ng	some	basic	informa3on	
out	of	low	resolu3on	and/or	low	S/N	spectra	

Haw
kins+	2021	

R	=λ/Δλ	≈	800	and	S/N	≈30	

molecular	bands,	R	≈	2000	

Rossi+	2004	

hC
ps://ned.ipac.caltech.edu/level5/

Sept07/Brodie/Brodie4.htm
l	

extragalacNc	spectra,	integrated	light	



Uses:		to	diving	into	the	details	for	precise	
chemical	composi3ons	of	individual	stars	

properly	accounNng	for	
hyperfine	structure	in	V	I	

yes,	that’s	why	their	line	
shapes	look	weird	

making	more	precise	
Ni	I	abundances	by	
recognizing	isotopic	
substructure	

does	it	happen	to	all	Ni	I	
lines?		Why	or	why	not?	

applying	ordinary	
abundance	techniques	to	
binary	stellar	specrtra	

how	to	do	this	so	that	
the	results	are	physically	
reasonable	



the	power	of	high-res	spectroscopy	

•  effec3ve	temperature	Teff:		Boltzmann	eq.,	photometry+calibra3ons	
•  actually	inferred	from	an	“excitaNon”	temperature	

•  surface	gravity	log(g):		Saha	eq.,	line	depth	ra3os,	parallax+photometry	
•  Saha	means	ionizaNon	temperature;	is	this	physically	real	

•  microturbulent	velocity	ξt	or	vturb,		line	strengths	
•  remember	ξt	that	is	a	single	parameter	describing	complex	“extra”	moNons	

•  metallicity:		[Fe/H],	[M/H],	or	something	similar	&	vague	
•  vague	is	the	fault	of	authors	

•  abundance	ra3os:	[X/Fe]	
•  again,	how	are	the	raNos	formed?	

•  isotopic	ra3os:	12C/13C,	(25Mg,	26Mg)/24Mg,	6Li/7Li,	16O/17O,	...	

•  veloci3es:	systemic	radial,	rota3onal,	orbital,	oscilla3onal,	macroturbulent	

•  magne3c	fields,	star	spot	analysis	



My	research:	to	use	stellar	spectra	to	help	
decode	stellar		nucleosynthesis	

h5p://www.chemicalelements.com/	



The	“holy	grail”:		to	understand	how	our	Galaxy	produced	
the	solar	chemical	composi3on	

Sneden	et	al.	2008	
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§  [A/B]	=	log10(NA/NB)star	–	log10(NA/NB)Sun	
	 	 	where	N	is	an	elemental	number	density	

§  log	ε(A)	=	log10(NA/NH)	+	12.0				(spectroscopy)	

§  log	N(A)	=	log10(NA/NSi)	+	6.0		(meteorites)	
	

§  Metallicity	è	[Fe/H]	(some3mes	labeled	[M/H]	

§  Most	metal-rich?		[Fe/H]	~	+0.5	(proven)	
§  Most	metal-poor?		[Fe/H]	~	-5.5	(e.g.,	Aoki	et	al.	2006)	

§  Metallicity	labels:			
§  	     metal-poor:		[Fe/H]	≤	-2												 	 		
§  	 	 	 	 	very	metal-poor:		[Fe/H]	≤	-2	
§  			 	 	 	extremely	metal-poor:		[Fe/H] ≤ -3 
§  			 	 	 	NATURE	paper	metal-poor:		[Fe/H] ≤ -6 or -7 or … 

§  WATCH OUT! [] quantities have ASSUMPTIONS 
about solar values 



George	Wallerstein	1930-2021	

dis3nguished	creator	of	modern	
high-resolu3on	stellar	spectroscopy	



Wallerstein	had	metallici3es	conquered	long	ago	

“Certainly,	at	this	3me,	no	
apology	is	needed	for	a	
curve-of-growth	analysis,	
no	ma5er	how	crude”	

	Helfer+	1959	

Wallerstein	1962	



inven3on	of	the	bracket!	
Helfer,	Wallerstein,	Greenstein	1959,	ApJ,	129,	700	

[A/B]	=	log10(NA/NB)star	–	log10(NA/NB)Sun	
where	N	is	an	elemental	number	density	

inspired	by	another	George:	 George	Preston,	alive	
and	publishing	today	



differen3al	curve	of	growth	analysis	

Mn	deficiencies	in	metal-poor	stars	

alpha	enhancements	at	low	metallicity	

“UV	excess”	in	metal-poor	stars	



Did	Wallerstein	almost	discover	the	thick	disk?	
(thin	&

	thick	disk	lines	are	chi-by-eye	
es3m

ates	from
	Anders+2014)	

Imagine	what	he	would	have	discovered	
with	a	sample	of	300	stars	instead	of	30?	



How	much	have	we	really	progressed	since	
Wallerstein+	1962?	



And	we	have	all	the	observa3onal/analy3cal	
advantages	now	

QUANTITY 	 	 	WALLERSTEIN	ERA	 	 	 	TODAY	

telescopes 	 	 	0.7-2m 	 	 	 	 	 	3-10m	

detectors	 	 	 	photographic	plates 	 	 	CCDs,	other	electronic	

wavelength	coverage 	0.4-0.9μm 	 	 	 	 	0.2-5μm	

analysis	approach 	 	strictly	differen3al	W.R.T.	¤  mostly	absolute	

atmosphere 	 	 	single	“reversing	layer” 	 	 	50-100	layer	

radia3ve	transfer 	 	local	thermodynamic	eq.	(LTE) 	non-LTE	in	many	cases	

atomic	line	inputs 	 	EW’s,	excita3on	energies	(χ) 	 	EW’s,	χ’s,	gf’s,	hyperfine,	...	

molecular	line	inputs 	almost	nothing 	 	 	 	good	data	for	many	diatomics		

transi3on	probabili3es 	few,	and	poorly	known 	 	 	good	and	growing	all	the	3mei	

analy3cal	efficiency	 	one	boring	star	at	a	3me	... 	 	almost	too	easy	now???	 		



spectral	line	analysis:		reminder	of	the	basics	
R.	J.	RuCen,	“RadiaNve	Transfer	in	Stellar	Atmospheres”:			
hCp://www.staff.science.uu.nl/~ruCe101/	



Reminder	of	the	basics	



Reminder	of	the	basics	



Reminder	of	the	basics	



Reminder	of	the	basics	

No	stellar	abundance	can	be	be5er	than	the	
input	transi3on	probabili3es	(gf-value)	and	the	

derived	Teff,	log(g)	

Boltzmann	 Saha	



where	can	I	find	all	the	answers?	

“The	most	authoritaNve	synthesis	of	
the	quanNtaNve	spectroscopic	
analysis	of	stellar	atmospheres”	

for	the	real	experts	 for	the	rest	of	us	

“Each	chapter	contains	exercises,	and	
useful	real	star	data	and	primary	
references	can	be	found	throughout.”	



The	simplest	spectroscopic	approach:	
equivalent	width	(W	or	EW)	analyses;	
essen3ally	a	Boltzmann-Saha	argument	

h5p://web.njit.edu/~gary/321/Lecture6.html	

And	“of	course”	we	define:	
Log(RW)	=	log(EW/λ)	
	
	
This	par3cular	figure	
deliberately	chosen	to	
illustrate:	
(a)  Con3nuum	choice	
(b)  Possible	blending	
(c)  Line	profile	assump3ons	

The	“personal	equaNon”	is	
much	more	serious	than	one	
imagines;	know	your	own	
biases	as	well	as	possible	



SOME	equivalent	width	codes:	

and	there	are	others,	such	as:	

h5
ps://github.com

/m
adam

ow
	



Understanding	a	high-res	spectrum	becomes	an	
exercise	in	Boltzmann-Saha	sta3s3cal	physics	

Ni	I	
χ=	2.0eV	

Na	I	D	
χ=	0.0eV	

Na	I	D	
χ=	0.0eV	

The	resonance	Na	I	D	lines	get	stronger	with	decreasing	temperature	because	
	(a)	Na	becomes	less	ionized	
	(b)	Na	I	has	more	electrons	falling	to	the	ground	state	
	(c)	the	H-	con3nuous	opacity	decreases	(fewer	free	electrons	to	make	H-	

The	effect	is	less	for	the	Ni	I	line	because	
	(a)	yes,	Ni	becomes	less	ionized	but	electrons	are	leaving	the	Ni	I	2.0	eV	state	
	(b)	ioniza3on	energy	for	Ni	I	is	7.6	eV,	much	larger	than	for	Na	I	(5.1	eV)	
	 	–	therefore,	the	rush	back	to	neutral	species	is	slower	for	Ni	

Gray’s	text	



the	Teff	altera3ons	of	Balmer	lines	are	obvious	
even	at	low	spectral	resolu3on	

The	curves	are	
idealized	Hϒ	
profiles,	but	the	
effect	is	seen	in	
all	H	I	lines	

profiles	of	Hϒ	for	A0	
stars	and	warmer	

profiles	of	Hϒ	for	cooler	
stars;	why	is	the	EW	
drop	much	more	severe	
than	for	stars	hoCer	
than	A0?	

this	clarifies	the	“Saha”	
ionizaNon	effect.	Gray’s	
text	is	very	valuable	for	
this	discussion	

Gray’s	text	



the	Saha	gravity	(pressure)	effect	

Fe	II	4508Å	

pressure/gravity	affects	strong-line	wings	

Again,	see	Gray’s	
text	for	the	elegant	
explanaNon	of	
these	statements		

Gray’s	text	



Something	very	illumina3ng	that	we		
have	lost:		curve-of-growth	analyses	

Helfer	&	Wallerstein	1968	

“reduced	width”,	
oren	labeled	RW	

essenNally	the	line	absorpNon	coefficient,	which	
usually	means	the	elemental	abundance	in	a	
given	stellar	atmosphere	(Teff,	log(g),	...)	



In	brief,	here	are	curve-of-growth	cartoons	

h5p://www.astro.rug.nl/
~etolstoy/chile/etolstoy3.pdf	

A	=	elemental	
abundance,	or	
some	other	
quanNty	that	
makes	the	EW	of	
a	line	change	

Hey!		Pay	
aCenNon	to	this	
simple	statement	
on	“saturated”	

lines	



General	COG	comments	
•  COG	analyses	mostly	are	rarely	done	today	

•  they	mostly	require	EWs	of	unblended	lines	
•  But	they	should	be	consulted	for	physical	insight:	

•  what	fracNon	of	lines	of	a	species	are	on	the	linear	part	of	the	COG?	
•  oren	depends	on	spectrum	quality	(resoluNon,	S/N)	

•  do	you	really	believe	EW	measurements	of	log(RW)	>	–6.0	
•  or	EW	=	4	mÅ	@	4000Å;	you	should	ask	for	“proof”	

•  how	much	do	the		COG	flat	part	lines	dominate	the	abundances	
•  rule	of	thumb:		flat	part	lines	have	log(RW)	>	–5.0	

•  or	EW	>	40mÅ	@	4000Å;	most	folks	think	that	these	are	weak!	
•  these	have	coupling	between	abundance	and	microturbulence	

•  Beware	of	cool-star	analyses	...	K	stars	and	cooler	
•  I	dare	you	to	find	unblended,	weak	lines	in	K-M	stars	

•  lines	on	the	COG	damping	part	can	yield	reliable	abundances	
•  but	you	must	have	good	control	on	line	damping	parameters	

•  remember:		COGs	are	REAL	and	describe	actual	EW	responses	to	changing	parameters	



Now	on	to	more	difficult	spectrum	syntheses,	in	
order	to	explain	all	the	inputs	needed	to	succeed		

log	ε	=	log(NFe/NH)	+	12	

[X/Y]	=	log(NX/NY)star	–	log(NX/NY)Sun	 Sneden	et	al.	2003	

An	example	of	the	desired	
output	from	my	work	



But	how	pracNcally	does	determine	any	abundance?		Example:		the	
holmium	abundance	from	4045.5Å	Ho	II;	this	needs	spectrum	synthesis	

Must	have	“high	quality”	
spectra	for	this	work:			
R	=	λ/(Δλ)	≥	40K	;		S/N	>	50±	

Ho	=	holmium,	
Z=67,	rare	earth	



desired	result:	holmium	from	4045.5Å	Ho	II	
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Line	iden3fica3ons	begin	with	Moore,	Charlo:e	E.;	Minnaert,	M.	G.	J.;	Houtgast,	J.	
1966,	The	solar	spectrum	2935	A	to	8770	A,	NBS	Monograph	



We	start	by	synthesizing	the	Sun	

White	line	is	solar	flux	atlas;	red	line	is	synthe3c	spectrum	with	“original”	line	list	

How	do	we	make	a	line	list	that	we	can	believe?	



Requirement	for	chemical	composi3on	analyses	
A	grid	of	model	stellar	photospheres:	
§  Kurucz	ATLAS:		h5p://kurucz.harvard.edu/grids.html	
§  Gustafsson	MARCS:		marcs.astro.uu.se/	
§  Hauschildt	NEXTGEN:		h5p://hobbes.hs.uni-hamburg.de/PAPERS/NextGen/ms.html	

Typical	model	atmosphere	computa3on	output:	
	
TEFF			3500.		GRAVITY	0.00000	LTE		
TITLE	SDSC	GRID		[+0.0]			VTURB	0.0	KM/S				L/H	1.25																													
OPACITY	IFOP	1	1	1	1	1	1	1	1	1	1	1	1	1	0	1	0	0	0	0	0	
CONVECTION	ON			1.25	TURBULENCE	OFF		0.00		0.00		0.00		0.00	
ABUNDANCE	SCALE			1.00000	ABUNDANCE	CHANGE	1	0.91100	2	0.08900	
READ	DECK6	72	RHOX,T,P,XNE,ABROSS,ACCRAD,VTURB	
1.92081317E-02			2162.9	1.918E-02	3.953E+05	6.942E-06	1.304E-03	0.000E+00	
2.55242080E-02			2185.4	2.549E-02	5.259E+05	7.141E-06	1.219E-03	0.000E+00	
3.37376143E-02			2204.8	3.370E-02	6.928E+05	7.301E-06	1.118E-03	0.000E+00	
4.44603299E-02			2223.3	4.441E-02	9.084E+05	7.451E-06	1.024E-03	0.000E+00	
5.84449198E-02			2243.2	5.838E-02	1.191E+06	7.631E-06	9.457E-04	0.000E+00	
7.66163984E-02			2264.8	7.653E-02	1.561E+06	7.847E-06	8.769E-04	0.000E+00	
1.00122149E-01			2288.2	1.000E-01	2.047E+06	8.106E-06	8.122E-04	0.000E+00	
1.30562972E-01			2308.0	1.304E-01	2.662E+06	8.320E-06	7.329E-04	0.000E+00	
1.70060206E-01			2328.6	1.699E-01	3.462E+06	8.564E-06	6.653E-04	0.000E+00	
...	



Requirement	for	chemical	composi3on	analyses	
Line	analysis	code:	
§  Kurucz	WIDTH:		h5p://kurucz.harvard.edu/programs/WIDTH/	
§  Kurucz	SYNTHE:		h5p://kurucz.harvard.edu/programs/SYNTHE/	
§  Hubeny	TLUSTY:		h5p://nova.astro.umd.edu/	
§  Plez	TURBOSPECTRUM:		h5p://www.graal.univ-montp2.fr/hosted/plez/	
§  Sneden	MOOG:		h5p://www.as.utexas.edu/~chris/moog.html	
§  Other	personal	programs	not	generally	available	to	public	
	
WHICH	CODE	TO	USE?		WHO	CARES!		KEEP	FOCUSED	ON	WHAT	
YOU	WANT	To	ACCOMPLISH	
	
These	codes	all	have	tradeoffs	between	convenience,	speed,	
and	sophis3ca3on	of	basic	physics:	
§  Allowance	for	sca5ering	in	con3nuum	opaci3es	&	source	func3ons	
§  LTE	or	“be5er”	
§  How	much	atomic/molecular	informa3on	comes	with	code	
§  Plane-parallel	or	spherical	geometry	
§  User	friendliness	
§  Common-sense	outputs	that	help	user	avoid	stupidi3es	



Requirement	for	chemical	composi3on	analyses:	
	“reliable”	model	atmosphere	parameters	

Effec3ve	temperature	Teff:	colors	and/or	spectral	line	data	
	Colors:	usually	B-V,	V-I,	V-K,	J-K	
	Calibrated	with	“infrared	flux	method”	



Infrared	flux	method	
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“The	small	gradient	of	line	3,	and	therefore	the	
sharpness	of	the	intersecNon,	is	due	to	the	weak	
dependence	of	flux	on	temperature	in	the	
infrared.		The	selecNon	of	an	infrared	wavelength	
is	therefore	essenNal	to	the	success	of	the	
method.”	
	

	 	calculaNons	made	for	λ	=	3.45	μm	



Applica3on	of	IR	flux	method	

-0.5	<	[Fe/H]	≤	+0.5	(filled	circles),	-1.5	<	[Fe/H]	≤	-0.5	(open	circles),	-2.5	<	[Fe/H]	≤	-1.5	
(squares),	and	[Fe/H]	≤	-2.5	(triangles).	The	lines	corresponding	to	our	calibra3on	for	[Fe/H]	
=	0.0	(solid	line),	-1.0	(do5ed	line),	and	-2.0	(dashed	line)	are	also	shown.	

Ramirez	&	Melendez	2005	

dwarf	 giant	



Which	are	much	be5er	than	these	metallicity-
dependent	correla3ons	with	B-V	

Ramirez	&	Melendez	2005	

dwarf	 giant	



Requirement	for	chemical	composi3on	analyses:	
	“reliable”	model	atmosphere	parameters	

Surface	gravity	log	g:	cluster,	physical,	and/or	spectral	line	data	
	Clusters,	for	example	(conversion	to	L/L¤ s3ll	not	trivial	

Rosenberg	et	al.	2000	

Gaia	collabora3on	2018	

ground-based	 Gaia	large	improvement	



Gravity,	con3nued	

Surface	gravity	log	g:	cluster,	physical,	and/or	spectral	line	data	
	Cluster	and/or	physical:			

assumed	(guessed);	
Stellar	isochrones	

as	discussed	above	

from	photometry	(IR	flux	method)	
or	rough	es3mate	(good	enough)	

cluster	color-mag;	
parallax	(Gaia,	HIPPARCOS);	
spectral	type;	
guesses	from	colors	

Alonso	et	al	1999	



Teff	from	Boltzmann	argument:	
want	no	trend	with	excita3on	energy	

In	prac3ce,	only	Fe	I	lines	have	the	excita3on	range	necessary	
SO!		How	would	YOU	change	the	assumed	Teff	to	fix	the	slope?	

Measure	some	EWs,	put	them	and	line	parameters	in	
some	analysis	code,	and	out	comes	some	abundances	

The	High-Res	spectroscopic	approach	



Microturbulent	velocity	argument:	
want	no	trend	with	line	strength	

What’s	the	cure	for	this	slope?			
What	are	the	difficul3es	in	assuming	that	vmicro	is	the	problem	here?	

The	High-Res	spectroscopic	approach	



macro-	and	micro-turbulence	

solar	convecNve	
granulaNon	leads	to	
velocity	shirs		
	
note	the	lack	of	shirs	
in	the	telluric	line	

producing	spectral	
broadening	from	
adding	up	all	of	these	
cells	in	a	whole-disk	
spectrum	



macro-	and	micro-turbulence	
The	microturbulent	velocity	is	defined	as	the	
microscale	non-thermal	component	of	the	gas	
velocity	in	the	region	of	spectral	line	formaNon.		
ConvecNon	is	the	mechanism	believed	to	be	
responsible	for	the	observed	turbulent	velocity	
field,	both	in	low	mass	stars	and	massive	stars.	
When	examined	by	a	spectroscope,	the	velocity	of	
the	convecNve	gas	along	the	line	of	sight	produces	
Doppler	shirs	in	the	absorpNon	bands.	It	is	the	
distribuNon	of	these	velociNes	along	the	line	of	
sight	that	produces	the	microturbulence	
broadening	
	
	
The	strength	of	the	microturbulence	(symbolized	by	
ξ,	in	units	of	km	s−1)	can	be	determined	by	
comparing	the	broadening	of	strong	lines	versus	
weak	lines.	
	



macro-	and	micro-turbulence	and	rota3on	

the	good	news:		rotaNonal	line	
profiles	are	not	Gaussian	
	
the	complex	news:		lines	can	be	
broadened	through	effects	from:	

	thermal	
	microturbulence	
	macroturbulence	
	rotaNon	
	instrumental	slit	funcNon	



Gravity	(Saha)	argument:	want	same	abundances	
from	neutral	&	ionized	lines	of	same	element	

All	OK	here,	how	would	you	change	log	g	if	the	abundance	from	Fe	II	was	say	0.2	dex	larger?	

The	High-Res	spectroscopic	approach	



Requirement	for	chemical	composiNon	analyses:		
syntheNc	spectrum	line	lists	(or	lists	of	lines	for	EW	

analysis)	must	be	developed	
§  Ideal:		high-quality	laboratory	data	for	all	transi3ons	

§  Wavelengths	(!),	excita3on	energies,	transi3on	probabili3es	
§  damping	constants,	par33on	func3ons	
§  Hyperfine	structures,	isotopic	wavelength	shi�s	

§  Reality:		many	transi3ons	have	li5le	or	no	lab	data	
§  Very	few	lab	atomic/molecular	physicists	

§  Wisconsin,	Liege,	Lund,	London	
§  This	work	is	of	li5le	interests	to	most	physicists	

§  Typically	start	with	“semi-empirical”	line	lists	
§  Itera3on	of	lists	with	high-quality	spectra	of	a	couple	of	stars	

§  Sun,	Arcturus,	maybe	Procyon	
§  Adjustment	of	wavelengths	&	transi3on	probabili3es	
§  Guessing	at	rela3ve	contribu3ons	to	blended	features	
§  Adding	fake	lines!	

§  Declared	as	Fe	I,	χ=	3.5	eV,	log	(gf)	set	to	match	observed	line	



Sc	I	 Ti	I	 V	I	 Cr	I	 Mn	I	 Fe	I	 Co	I	 Ni	I	 Cu	I	 Zn	I	

Sc	II	 Ti	II	 V	II	 Cr	II	 Mn	II	 Fe	II	 Co	II	 Ni	II	 Cu	II	 Zn	II	
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work	also	from	
groups	at	U.	
Mons,	U.	Coll.	
London,	U.	Lund,	
U.	Liège,	NIST,	
and	others	

University	of	Wisconsin	laboratory	atomic	transiNon	
efforts	directly	support	stellar	spectroscopy		



Applica3on	of	the	lab	transi3on	data	to	stellar	
spectra:		where	do	the	strongest	lines	occur?	

“strength”	=	log(εgf)	–	θχ	
	where	θ	=	5040/T	

	
This	is	a	RELATIVE	strength	that	
works	well	when	comparing	lines	
of	a	single	species,	OR	comparing	
lines	of	DOMINANT	species	of	
different	elements	
	
the	plot	here	does	the	strength	
es3mates	for	the	solar	spectrum	

Sneden	et	al.	2009	

this	makes	it	rela3vely	easy	
to	iden3fy	useful	lines	



A	good	summary	site	for	lab	atomic	data	

(these	are	o�en	gf’s	
that	are	“normalized”	
in	some	way)	



NIST	entries	for	Fe	I	near	4045Å:		6	lines	

Acc.	=	their	es3mated	accuracies	for	lab	values;	be	wary	of	“C”	and	worse	



But	my	line	list	has	30	Fe	I	lines;	they	come	
from	semi-empirical	line	databases	



The	Kurucz	web	site	



A	very	good	alternate	“compila3on”	site;	more	
tools	for	applica3ons	to	stellar	spectra		
but	be	careful	of	mulAple	gf	sources	

h5p://vald.astro.univie.ac.at/~vald/php/vald.php	



linemake:		a	curated	‘’special-purpose”	database	

h5
ps
:/
/g
ith

ub
.c
om

/v
m
pl
ac
co
/li
ne

m
ak
e	

§  a	single	database	with	U.	Wisconsin	and	Old	
Dominion	U.	relevant	LABORATORY	
transiton	data	for:	
§  atomic	neutrals	and	ions	
§  diatomic	molecules	(CH,	CN,	OH,	MgH	

§  friendly	format	for	stellar	spectroscopy	
§  simple	code	to	generate	synthe3c	spectrum	

linelists	

§  combines	with	Kurucz	
database	transi3ons	

§  adds	low-temperature	
molecules	(like	TiO,	H2O)	
for	M	star	spectroscopy	

§  published:	Placco+	2021,	
RNAAS,	5,	92	

§  public;	easy	to	expand	



other	useful	line	list	compila3ons	

h5ps://ui.adsabs.harvard.edu/abs/2019Atoms...7..105L/abstract	

the	“Kentucky”	site	(Gary	Ferland+):		especially	good	for	high-energy	emission	lines	

h5ps://www.pa.uky.edu/~peter/atomic/	



Remember	our	star3ng	spectrum	synthesis	

White	line	is	solar	flux	atlas;	red	line	is	synthe3c	spectrum	with	“original”	line	list	



Remember	our	star3ng	spectrum	synthesis	
Lab	λ‘s	and	gf’s:	adopted	without	change	
Iden3fied	(or	guessed-at)	lines	without	lab	data:		changed	λ‘s	and	gf’s	to	fit	Sun	
Unknown	lines:		added	fake	lines	(Fe	I,	χ=	3.5	eV,	log	(gf)	set	to	match	observed	line)		

This	finishes	the	line	list	prepara3on,	
to	be	applied	to	the	stellar	spectra	



Makes	sense	out	
of	strange	

spectra:		isotopes	

Ver3cal	line	sizes	give	
rela3ve	strengths	of	
hyperfine	components	

Sneden	et	al.	2002	



The	one	isotopic	analysis	that	can	be	done	
well	with	atomic	lines:	Eu	

h5p://atom.kaeri.re.kr/	



Note	the	hyperfine	vs	isotopic	structures	for	
rare	earths	

Z	=	57	

Z	=	59	

Z	=	61	

Z	=	63	

Z	=	65	

Z	=	67	

Z	=	69	

h5p://atom.kaeri.re.kr/	



MUCH	more	difficult:	barium	isotopes	

Isotopic	mix	 130	 132	 134	 135	 136	 137	 138	

Solar	(mostly	“s)	 0.1%	 0.1%	 2.4%	 6.6%	 7.9%	 11.2%	 71.7%	

Pure	“r”	 0.0%	 0.0%	
	

0.0%	
	

40.0%	 0.0%	
	

12.2%	 47.8%	

Sneden	et	al.	2008	



Lambert	&	Allende	Prieto	2004	
Solid	line:		fodd	=	0.31	
Dashed	lines:		changing	fodd	by	±0.21	



Ni	isotopes	are	detectable	in	the	Sun	
and	can	be	accounted	for	

Sneden	et	al.	2014	



Isotopic	ra3os	are	much	easier	for	molecular	features	

Gay	&	Lambert	2000	Let’s	talk	about	molecular	equilibrium	…	



simplified	molecular	equilibrium:		H-C-N-O	

P(H)	= 	p(H)	+	2p(H2)	+	p(CH)	+	p(NH)	+	p(OH)	+	2p(H2O)	+	…	
P(C)	= 	p(C)	+	p(CH)	+	2p(C2)	+	p(CN)	+	p(CO)	+	p(CO2)	+	…	
P(N)	= 	p(N)	+	p(NH)	+	p(CN)	+	2p(N2)	+	p(NO)	+	…	
P(O)	= 	p(O)	+	p(OH)	+	p(CO)	+	p(NO)	+	2p(O2)	+	2p(CO2)	+	…	
	
But	(happily!)	the	importance	of	each	depends	on	abundance	of	the	
element(s)	and	the	molecular	dissocia3on	energy	
	
	
	
P(H)	= 	p(H)	+	2p(H2)	+	… 	 	 	 	 	(H	cares	only	about	itself)	
P(C)	= 	p(C)	+	p(CO)	+	… 	 	 	 	 	(C	cares	only	about	O)	
P(N)	= 	p(N)	+	2p(N2)	+	… 	 	 	 	 	(N	cares	only	about	itself)	
P(O)	= 	p(O)	+	p(CO)	+	… 	 	 	 	 	(O	cares	only	about	C)	
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A	sample	isotopic	analysis	

Spectrum	of	HD	23439A	from	5134.0	
to	5136	Å	and	from	5138	to	5140.5	Å.	
The	observed	spectrum	(circles)	is	
shown.	Synthe3c	spectra	are	shown	
for	the	isotopic	ra3os	24Mg	:	25Mg	:	
26Mg	=	100	:	0	:	0	(dashed	lines),	78	:	
13	:	9	(solid	lines,	best	fit	to	the	
recommended	features),	and	72	:	16	:	
12	and	83	:	10	:	6	(do5ed	lines).	
	

Gay	&	Lambert	2000	



Fundamental	problem:	is	LTE	a	good	assump3on?	



Fundamental	problem:	is	LTE	a	good	assump3on?	



First	issue	when	facing	departures	from	LTE:	
con3nuum	sca5ering	

When	sca5ering	is	important,	you	can’t	use	the	simple	integral	radia3ve	transfer	solu3on	



Situa3on	is	be5er	for	warmer	stars	

Can	go	into	deep	UV	before	sca5ering	is	important	



Here	is	an	example	
of	a	spectrum	

warning	

Preston	et	al.	2006	



The	abundances	
appear	to	be	

superficially	normal,	
but	why	the	sca5er	in	
silicon	abundances?	

	
Like	compared	to	Ca	I	

or	Ti	II????	



Change	of	axes	
reveals	the	problem	



Turns	out	this	problem	had	not	been	
“unno3ced”	in	earlier	data	sets	

Sneden	et	al.	2008	



Surely	this	is	a	non-LTE	symptom;	energy-
level	diagrams	give	clues	

Sneden	et	al.	2008	
The	3905Å	line	is	almost	the	only	line	used	
for	Si	abundances	in	very	metal-poor	stars	



Grotrian	diagram	for	Si	I	

Moore	&	Merrill	1956	



We	even	have	trouble	deriving	the	solar	
oxygen	abundance	

Choices	for	analysis:	
§  [O	I]	6300.3	Å	(χ=0.0eV)	and	more	rarely	6363.7Å	(χ=0.0eV)		
§  O	I	triplet	7771.9,	7774.2,	7775.4	Å	(χ=9.2eV)	

§  more	rarely	a	triplet	near	6156Å	(χ=10.7eV)		
§  OH	vibra3on/rota3on	bands	in	the	infrared	
§  OH	electronic/vibra3on/rota3on	bands	in	near-UV	
§  NO:		CO	because	this	molecule	is	more	sensi3ve	to	carbon	abundance	

Headaches	
§  [O	I]	lines	0.0eV	should	be	best	(why?)	but	are	very	weak	in	Sun	&	dwarfs	
§  O	I	triplets	are	very	high	excita3on	(so	what?)	and	have	LTE	departures	
§  OH	is	minor	part	of	oxygen;	IR	bands	not	strong	
§  OH	electronic/vibra3on/rota3on	bands	are	in	the	very	crowded	near-UV	

Sun:		par3al	pressures	(arbitrary	units)	of	major	oxygen	components	at	τ	~	0.5		
	log	p(O	I)	=	1.9 	log	p(CO)	=	-0.3 	log	p(OH)	=	-1.2 	log	p(O2)	=	-4.7	
	log	p(ON)	=	-3.5 	log	p(H2O)	=	-4.7 	log	p(CO2)	=	-7.5 		



Grotrian	diagram	for	O	I	

Moore	&	Merrill	1956	



a	challenge	from	two	decades	ago	...		
just	as	relevant	today	

“So,	even	if	the	study	of	these	surface	layers	appears	rather	boring	to	many	
of	the	astrophysicists,	it	cannot	be	neglected.		As	we	have	shown,	even	the	
most	fundamental	parameters	of	the	most	basic	representa3on	of	stellar	
atmospheres	suffer	from	significant	uncertain3es.		The	theore3cal	and	
observa3onal	tools	needed	to	solve	these	problems	are,	to	a	large	extent,	
available	
It	is	therefore	mostly	a	maCer	of	will:		there	is	
sAll	a	lot	to	be	done	in	the	study	of	stellar	
atmospheres,	what	is	needed	is	researchers	who	
wish	to	tackle	these	problems.”	
	
Pierre	Magain,	1995,	in	“Stellar	Evolu3on:	What	Should	be	Done”,	Proc.	32nd	Liège	Int.	Astrophysical	Colloq,	
ed.	A.	Noels,	D.	Fraipont-Caro,	M.	Gabriel,	N.	Grevesse,	and	P.	Demarque.	Liege:	Universite	de	Liege,	Ins3tut	
d'Astrophysique,	1995.,	p.139	

remember:		our	work	is	supposed	to	be	about	
astrophysics,	not	big	data	manipulaNon	



Not	covered	in	detail	here,	but	will	be	
discussed	a	liCle/lot	by	other	speakers	

	
grid	syntheses	

pragmaNc	approaches	to	non-LTE	studies		
automated	EW	analyses	

tangled	molecular	equilibria	
normalizing	different	samples	to	a	common	system	

	machine	learning	for	very	large	samples	
magneNc	field	derivaNons	

de-convoluNon	of	velocity	broadening	components	
	

Thanks	for	inviNng	me	to	speak	here!	



Slide	heading	


